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More than 200 supermassive black holes (SMBHs) with >107 M⊙ have been discovered
by recent observations within 1 Gyr after the Big Bang. Although standard formation
scenario explaining the origin of these BHs has not yet been established, massive seed
BHs are preferred because the existence of the high-redshift SMBHs suggests that they
had grown to SMBHs in a short period.
In this thesis, we focus on supermassive stars (SMSs) with mass of ∼ 105 M⊙ as an
origin of the observed SMBHs in the early universe. Primordial clouds irradiated by
strong far-ultraviolet radiation from their nearby galaxies are suitable formation sites of
SMSs. In such clouds, very rapid accretion onto protostars is realized because of high
gas temperature (∼8000 K). Under the rapid gas accretion, the protostar inflates in
radius, and hence the effective temperature is kept at ∼5000 K. The accretion rate must
be higher than the critical value of 4× 10−2 M⊙ yr−1 to maintain the inflating stellar
surface. Once the accretion rate drops below the critical value, the stellar surface shrinks
and the effective temperature may become high enough to emit ionizing photons.
The circumstellar disk fragmentation causes intermittent accretion. If the quiescent
period of the intermittent accretion, which is defined as the time duration for which
the accretion rate is below the critical value, is longer than the Kelvin-Helmholtz (KH)
timescale at the stellar surface, ionizing radiation from the protostar becomes strong
enough to suppress the accretion.
In order to examine the role of the ionizing feedback, we first perform vertically-
integrated two-dimensional hydrodynamic simulations of two possible SMS-forming
clouds extracted from cosmological simulations to follow circumstellar disk evolution.
We find that although the accretion becomes intermittent due to the formation of spiral
arms and clumps in gravitationally unstable disks, the quiescent periods are always
shorter than the KH time-scales, implying that SMS can form without being affected by
the ionizing feedback.
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Although SMSs are thought to form from primordial gas clouds as described above, a
new channel for SMS formation in slightly metal-enriched gas clouds is recently proposed.
Although dust cooling induces the fragmentation and produces a few thousand low-mass
stars, the accretion flow selectively falls onto a star located at the cloud center. The disk
fragmentation may occur and cause the intermittent accretion also in this case. The
properties of the metal-poor circumstellar disks, however, are still not well understood
in the case not only of the SMS formation but also of the ordinary-mass star formation.
Next, we carry out hydrodynamic simulations of ordinary-mass star formation with
various metallicities in order to investigate the properties of metal-poor disks, i.e.,
gravitational stability, thermal processes, and accretion rate, for future understanding of
the SMS formation in a slightly metal-enriched cloud. In all the models except Z ≃ 1 Z⊙
case, a number of clumps are formed by the disk fragmentation and cause the intermittent
accretion. We find characteristic accretion histories in two metallicity regimes. In the
metallicity range 10−4 Z⊙ ≲ Z ≲ 10−3 Z⊙, the gas temperature suddenly increases by
H2 formation heating, resulting in temporary suppression of accretion for ∼5000 yr. In
extremely low-metallicity cases Z ≲ 10−6 Z⊙, one of the clumps grows to a similar mass
to the central star and makes a binary system. Since the infalling gas accretes to the
clumps rather than the central star, the accretion rate onto the central star becomes two
orders of magnitude smaller.
Judging from the results of two calculations, we infer that SMSs are successfully
formed without the effect of intermittent accretion if the metallicity is ≲ 10−5 Z⊙. On
the other hand, if the metallicity is around 10−4 Z⊙, the intermittent accretion due to
the H2 formation heating may results in the ionizing feedback terminating the stellar
mass growth before reaching the SMS regime (≳ 105 M⊙ ).
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1.13 The maximum value of viscous parameter α in the disk as a function of
the accretion rate. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 22
1.14 Density distribution around the primary star with three different metallic-
ities, Z = 5× 10−6, 10−6, 10−4, and 10−3 Z⊙ (from top to bottom). Each
row corresponds to the elapsed time after the primary star formation at 0,
300, and 600 years (from left to right). This figure is taken from Chon &
Omukai (2020). . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 24
2.1 The time evolution of the disk in the filamentary cloud. Each row corre-
sponds to the surface density (top), temperature (middle), and chemical
fraction of H2 (bottom) at four different times, 5, 10, 20, and 30 kyr after
the disk formation. The central stellar mass at each time is shown in the
bottom right corner of the upper panels. . . . . . . . . . . . . . . . . . . 35
2.2 Same as Figure 2.1, but for the spherical cloud. . . . . . . . . . . . . . . 36
2.3 Spatial distributions of Toomre’s Q parameter in the filamentary cloud.
The time of each panel is the same as in Figure 2.1. . . . . . . . . . . . . 38
2.4 Gas mass distributions on the density-temperature phase diagrams for
the filamentary cloud. The color indicates the mass in each density-
temperature bin with the widths of ∆ log nH = 0.1 and ∆ log T = 0.025.
The time of each panel is the same as in the Figure 2.1. . . . . . . . . . . 39
2.5 Radial profiles of the azimuthally-averaged (a) surface density and (b)
temperature and (c) the enclosed mass in the filamentary cloud. The
gray filled lines show the radial profiles of the one-dimensional steady
accretion disk model (Matsukoba et al. 2019) for the stellar mass between
5000 M⊙ and 30000 M⊙. The colors indicate the times after the disk
formation, 5 kyr (red), 10 kyr (orange), 20 kyr (green), and 30 kyr (blue),
when the stellar masses are 4800 M⊙, 6600 M⊙, 10000 M⊙, and 19000 M⊙,
respectively. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 40
xii | List of figures
2.6 Time evolution of the star and the largest clump masses. The colors
correspond to filamentary cloud (red) and spherical cloud (blue). The
solid and dashed lines represent the central stellar mass and the largest
clump mass, respectively. . . . . . . . . . . . . . . . . . . . . . . . . . . . 42
2.7 Accretion histories onto the central star with different initial conditions,
(a) filamentary cloud and (b) spherical cloud. The red line represents
the raw accretion rate, and the blue line denotes the time-averaged rate
with bin of 1000 years. The black dashed line indicates the critical rate
(4× 10−2 M⊙ yr−1), below which the star begins to emit ionizing photons
due to stellar contraction if the accretion rate is constant. . . . . . . . . . 43
2.8 Same as Figure 2.1, but for the run with a barotropic relation starting from
the initial condition of the filamentary cloud. The spatial distributions of
surface density (upper) and temperature (lower) are shown. . . . . . . . . 44
2.9 The dependence of time evolution of stellar mass on the treatment of
thermal evolution. We show the results from the runs starting from the
initial condition of the filamentary cloud with our thermal model (red)
and the barotropic relation (blue). . . . . . . . . . . . . . . . . . . . . . 45
2.10 Same as Figure 2.7, but for the run starting from the initial condition of
the filamentary cloud with the barotropic relation. . . . . . . . . . . . . . 46
3.1 The time evolution of the disks in models with three different metallicities,
Z = 1 Z⊙ (left), 10−1 Z⊙ (middle), and 10−2 Z⊙ (right). Each row
corresponds to the spatial distribution of the surface density at 3, 6, 10,
15 kyr after the disk formation. The central stellar mass at each model
and time is shown in the bottom left corner. . . . . . . . . . . . . . . . . 59
3.2 Same as Figure 3.1, but for the models with the metallicities, Z = 10−3
Z⊙ (left), 10−4 Z⊙ (middle), and 10−5 Z⊙ (right). . . . . . . . . . . . . . 60
3.3 Same as Figure 3.1, but for the models with the metallicities, Z = 10−6
Z⊙ (left) and 0 Z⊙ (right). . . . . . . . . . . . . . . . . . . . . . . . . . . 61
3.4 Radial profiles of the azimuthally-averaged (a) surface density, (b) gas
temperature, (c) radial velocity, and (d) rotation velocity in the model
with Z = 1 Z⊙. The colors indicate the times after the disk formation, 0
kyr (red), 3 kyr (orange), 6 kyr (green), 10 kyr (blue), and 15 kyr (purple).
The gray dashed line represents the Keplerian velocity with the central
stellar mass at 15 kyr. . . . . . . . . . . . . . . . . . . . . . . . . . . . . 62
3.5 Same as Figure 3.4, but for the model with the metallicity Z = 10−4 Z⊙. 63
3.6 Same as Figure 3.4, but for the model with the metallicity Z = 0 Z⊙. . . 64
List of figures | xiii
3.7 Gas mass distribution on the density-temperature phase diagram for
models with three different metallicities, (a) Z = 1 Z⊙, (b) 10−4 Z⊙, and
(c) 0 Z⊙, at 15 kyr after the disk formation. The color indicates the mass
in each density-temperature bin with the widths of ∆ log nH = 0.1 and
∆ log Tg = 0.019. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 65
3.8 Accretion histories onto the central star in all the models. . . . . . . . . 66
3.9 Time evolution of the number of clumps in all the models. . . . . . . . . 68
3.10 Mass distributions of the clumps at 15 kyr in all the models. The black
dashed line indicates the central stellar mass at 15 kyr. . . . . . . . . . 69
3.11 Spatial distribution of surface density in the models with the metallicities,
Z = 10−6 and 0 Z⊙. The panels zoom in on the center of the bottom
panels in Figure 3.3. The orange circle is the sink cell. . . . . . . . . . . 70
3.12 Evolution of the disk-to-star mass ratio at extremely low-metallicity cases.
The colors represent three different metallicities, 10−5 Z⊙ (red), 10−6 Z⊙
(orange), and 0 Z⊙ (blue). The dashed line shows the evolution in the
one-dimensional steady disk model by Tanaka & Omukai (2014) . . . . . 72
3.13 The number of the clumps as a function of the metallicity after 15 kyr
from the disk formation. The red and blue lines represent the number of
clumps located within 20 au and 40 au, respectively. . . . . . . . . . . . 74

LIST OF TABLES
2.1 Initial properties of the simulated clouds in the SMS formation . . . . . . 34
3.1 Initial temperature and chemical abundances of the simulated clouds in
the low-mass star formation . . . . . . . . . . . . . . . . . . . . . . . . . 57
3.2 Initial properties of the simulated clouds in the low-mass star formation . 58
A.1 Continuum absorption processes . . . . . . . . . . . . . . . . . . . . . . . 94
A.2 Coefficients for fitting function (A.4) . . . . . . . . . . . . . . . . . . . . 94
B.1 Chemical reactions in this thesis . . . . . . . . . . . . . . . . . . . . . . . 96

CHAPTER1
SUMMARY OF SUPERMASSIVE BLACK HOLES FORMATION IN
THE EARLY UNIVERSE
1.1 Supermassive black holes
Recent observations have revealed that black holes (BHs) universally exist in the Universe.
BHs do not emit the electro-magnetic radiation as their name suggests and are optically
dark objects. However, we can indirectly observe BHs through the radiation from their
surrounding gas. The observation of the X-ray binary Cygnus X-1 showed strong evidence
for a BH for the first time (Oda et al. 1971; Bolton 1972; Webster & Murdin 1972).
The existence of a compact object heavier than neutron stars (≳ 3 M⊙ ) was alleged
by the time fluctuation of X-rays and the binary dynamics. In the past few years, BHs
are directly detected by the gravitational wave detectors (e.g., Abbott et al. 2016; see
also Abbott et al. 2019 for a catalog). From the observations of X-ray binaries and
gravitational waves 72 BHs are reported to be detected so far in total (Abbott et al.
2020b; McClintock et al. 2011). The mass of those BHs ranges from ∼3 to 140 M⊙ . BHs
in such a mass range are called stellar mass BHs and thought to be formed when massive
stars (> 25 M⊙ ) end their lives (Heger et al. 2003).
Astronomical BHs have another population called supermassive BHs (SMBHs).
SMBHs have masses from 106 to 1010 M⊙ and are generally found at the center of their
host galaxies. Our own Galaxy also has an SMBH called Sagittarius A∗. Its existence has
been confirmed by observing proper motions of stars near the Galactic center (Eckart &
Genzel 1996). Since the stars near the Galactic center move in the gravitational potential
of Sagittarius A∗, we can measure the mass of Sagittarius A∗ by using stellar proper
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motions. Ghez et al. (2008) estimated the mass of Sagittarius A∗ as 4.1± 0.6× 106 M⊙
while the distance to Sagittarius A∗ is 8.0± 0.6 kpc.
M87 is a giant elliptical galaxy located at the center of Virgo cluster and harbors an
SMBH at its center. In 2017, Event Horizon Telescope Collaboration et al. (2019a) have
taken the first event-horizon-scale images of the SMBH in M87. Those images showed
the SMBH mass of ∼ 6.5× 109 M⊙ if the distance to M87 is 16.8 Mpc (Event Horizon
Telescope Collaboration et al. 2019b).
SMBH mass and properties of the host galaxies (e.g., the bulge mass or the velocity
dispersion of the bulge stars) have tight correlations (Magorrian et al. 1998; Gültekin
et al. 2009). For instance, the SMBH mass is proportional to σ4.4∗ , where σ∗ is the velocity
dispersion of the bulge stars (Kormendy & Ho 2013). Since stars in a galaxy move in
its gravitational potential, the velocity dispersion reflects the mass of the host galaxy.
The above fact implies that an SMBH and its host galaxy have grown up interacting
with each other. The radius of an SMBH is ten orders of magnitude less than that of
its host galaxy, e.g. ∼10−5 and ∼105 pc, respectively, for an SMBH with a mass of 108
M⊙ . It is still obscure how the two objects with such different scales established the
correlations. An effect of an SMBH on its host galaxy is the SMBH feedback. An SMBH
injects the thermal and kinetic energies into the gas in the galaxy and then suppresses
the star formation. On the other hand, the galaxy regulates the gas supply to the SMBH,
limiting the increase in the SMBH mass. Although the relation of those mechanisms
remains as a mystery, knowledge on the origin and evolution of SMBHs is an important
clue to understand the galaxy formation and evolution.
1.2 Observations of high-redshift QSOs
Quasars (QSOs) are one of the most energetic objects in the Universe and thought
as distant active galactic nuclei (AGNs) shining by mass accretion onto SMBHs. Ob-
servations of high-redshift QSOs provide us with information of SMBHs in the early
universe. Most of the high-redshift QSOs are identified by finding the Ly-α break using
the multi-color broad-band photometry. Figure 1.1 shows the observation results of
photometry and spectroscopy of the QSO J134208.10+092838.61 at redshift z = 7.54
(Bañados et al. 2018). If a QSO is at redshift z > 7.3, the wavelength of the Ly-α
emission (0.1216 µm in the rest frame) is longer than 1.0 µm in the observer frame.
Furthermore, photons at wavelengths shorter than that of Ly-α are absorbed by neutral
hydrogen in the intergalactic medium. Therefore, we cannot detect the flux from a QSO
in the optical band (zDE), but we can in the near-infrared bands (J1, J , H, and Ks), as
shown in Figure 1.1.
The SMBH mass is estimated based on the assumption of the virial relation and
using the velocity dispersion of metal lines (CIV or MgII line) obtained by spectroscopic
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Fig. 1.1: Observation results of the quasar J134208.10+092838.61 at redshift z = 7.54.
The top panels show images of the QSO in each filter. The middle panel represents
photometry (red circles), near-infrared spectrum (black line), and the best-fitting power-
law continuum emission (orange line). The bottom panel depicts transmission of DECam
zDE filter (blue) and the Fourstar J1, J , H, and Ks filters (red). This figure is taken
from Bañados et al. (2018). Reprinted by permission from Springer Nature, Nature,
Copylight 2018.
observation. Figure 1.2 shows the relation between the redshift and mass of the SMBHs
at redshift z > 6. The observations so far have confirmed 204 SMBHs with redshift z > 6
(e.g., Fan et al. 2001; Willott et al. 2010; Mortlock et al. 2011; Venemans et al. 2013; Wu
et al. 2015; Bañados et al. 2018; Matsuoka et al. 2018; Onoue et al. 2019; Yang et al.
2020). From Figure 1.2, the SMBHs had grown to 106...1010 M⊙ within 0.9 Gyr after the
Big Bang. The most distant one is J031343.84-180636.4 with the mass of 1.6× 109 M⊙
after 0.67 Gyr from the Big Bang (Wang et al. 2021).
Today, only 8 SMBHs at redshift z > 7 are known. In the next decade, the large
and deep IR surveys using the space telescopes (Euclid and Nancy Grace Roman Space
Telescope) will be conducted. These projects are expected to detect a larger number of
high-redshift SMBHs. So far, no standard formation scenario for the SMBHs observed in
the early universe has yet been established. What is the origin of the SMBHs and how
the progenitor grows to an SMBH in short time (< 1 Gyr) are actively debated from the
theoretical point of view (e.g., Volonteri 2012; Haiman 2013; Inayoshi et al. 2020 for a
review). If detailed properties of the high-redshift SMBHs will be known, they will be
useful to understand the formation mechanism of the SMBHs.
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Fig. 1.2: Masses and redshifts of 205 SMBHs known at z > 6. The data of 203 SMBHs
are taken from Inayoshi et al. (2020). We add two SMBHs discovered by Yang et al.
(2020); Wang et al. (2021). The colors represent surveys discovering each host QSO. The
solid lines indicate the mass evolution of the BHs, starting from the BH with 102 M⊙ at
z = 30 (red) and the BH with 105 M⊙ at z = 20 (blue). The conversion efficiency is set
to 0.1.
1.3 Accretion growth of seed black holes
More than 200 massive BHs have been observed in the early universe soon after the Big
Bang as mentioned in Section 1.2. Seed BHs are required to be as massive as possible
because they have to grow to SMBHs in a short time (sub Gyr). In this subsection,
we consider the growth of a seed BH by gas accretion and explain the reason why the
massive BH is preferable as the origin of high-redshift SMBHs.
The gas accretion rate onto the BH have an upper limit called the Eddington limit.
First, we introduce that limit. We consider the situation where an ionized gas surrounds
a BH with mass M•. We assume that the gas is spherically and uniformly distributed
for simplification. The protons and electrons in the ionized gas interact well each other
and move in union. The binding energy of the accreting gas is converted into radiation
during the accretion process. The emitted photons affect the motion of electrons due to
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where σT is the Thomson scattering cross section, c is the speed of light, and R is the
radial distance from the BH in the spherical coordinate. If the luminosity L is sufficiently
high to balance the gravitational and radiation forces, the accretion flow is suppressed.






where G is the Gravitational constant and mp is the proton mass. The luminosity from
the BH must be less than the Eddington limit in order for the gas to keep accreting. This
fact means that the accretion rate has an upper limit, which is so-called the Eddington






where ϵrad is the conversion efficiency from the rest mass energy to the radiation energy.
The gas mass contributed to the BH growth (per unit time) Ṁ• is that of the accreted
gas which is not converted to the radiation:
Ṁ• = (1− ϵrad)ṀEdd . (1.4)
Next, we consider the growth time which is required for a seed BH with mass Mseed
at the accretion rate given by Equation (1.4) to develop to an SMBH with mass MSMBH.






















∼ 0.45 Gyr . (1.6)
We can obtain the growth time from Equation (1.5) by integrating the BH mass from










Equation (1.7) shows that the BH mass increases exponentially with time.
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The value of the conversion efficiency ϵrad is needed to estimate the growth time from
Equation (1.7). Although we consider the spherical accretion in the above discussion,
realistically, the gas accretes onto the BH through an accretion disk because the gas
has an orbital angular momentum relative to the BH. In such a situation, the value of
the conversion efficiency depends on the inner most radius of the accretion disk. The
conversion efficiency is large when the innermost radius is small, while the conversion
efficiency is small when the innermost radius is large. Here, we assume the innermost
stable circular orbit (ISCO) for the BH corresponds to the innermost radius of the
accretion disk. The ISCO depends on the BH spin. The conversion efficiency is ∼0.06
in the case of zero BH spin, while it is ∼0.4 in the case of maximum BH spin (Shapiro
& Teukolsky 1983). In this paper, we set the conversion efficiency ϵrad = 0.1. If the










Here, we estimate the growth time using Equation (1.8) . If the mass of the seed
BH is 150 M⊙ which is the maximum mass of the stellar mass BHs observed by the
gravitational wave detectors so far (Abbott et al. 2020a) and the mass of SMBH is
1010 M⊙ , the growth time is ∼ 0.90 Gyr. Since the growth time ∼ 0.90 Gyr corresponds
to the redshift z ∼ 6, the seed BHs with mass of larger than 100 M⊙ is required to
explain the formation of SMBHs at redshift z > 6. Although in the above estimate,
we implicitly assumed the Eddington rate is always maintained while the BH increases
in mass, such a high accretion rate is hard to keep because a radiative feedback and
an angular momentum barrier suppress the gas accretion as shown in the simulations
(Milosavljević et al. 2009; Park & Ricotti 2011; Sugimura et al. 2018). Thus, the BHs
with higher masses than the stellar mass BHs observed in our neighborhood are preferred
as an origin of high-redshift SMBHs.
Three prospective astrophysical scenario are currently studied by a number of authors
as seed BH formation mechanism: seed BH formation
(I) Pop III star remnant BHs (e.g., Madau & Rees 2001; Schneider et al. 2002)
Pop III stars formed out of the pristine gas leave behind massive BHs with mass of
∼100-1000 M⊙ after their lives. In particular, the first generation of stars are the
earliest object to from in the universe, so they have longer growth time than other
candidates.
(II) direct collapse (e.g., Omukai 2001; Bromm & Loeb 2003)
If a pristine-gas cloud is exposed to strong far-ultraviolet (UV) radiation from a
nearby galaxy, a supermassive star (SMS) with mass of ∼ 105 M⊙ can form. The
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SMS collapses into a BH with a similar mass when they die. This collapse process
is called the “direct collapse”.
(III) runaway collision in a dense star cluster (e.g., Omukai et al. 2008; Sakurai et al.
2017; Tagawa et al. 2020)
If a gas cloud is in a strong UV radiation field, as in the direct collapse scenario,
but contains metals, the gas fragmentation occurs, and then a dense star cluster
may form. The stars in such a dense cluster can rapidly coalesce into a single
massive star, which may produce a remnant BH with mass of ∼ 103 M⊙ .
We explain these scenarios in Sections 1.4, 1.5, and 1.6
1.4 Black holes as Pop III star remnant
In this section, we consider formation of Pop III stars. The star formation process can be
divided into two phases: the gravitational collapse of a gas cloud and the gas accretion
onto the formed protostar. We describe the former in Section 1.4.1 and the latter in
Section 1.4.2 and discuss the final mass of Pop III stars. In Section 1.4.3, we explain the
mass of BHs, which are left behind after the death of Pop III stars.
1.4.1 Gravitational collapse of primordial gas cloud
Here, we mention the thermal evolution of the primordial gas cloud in the collapse phase.
Omukai (2000) and Omukai et al. (2005) have studied the thermal evolution of the gas
cloud collapsing with the free-fall time with a detailed chemical model. Figure 1.3 shows
the temperature and H2 fraction (the ratio of the number densities of molecular hydrogen
and hydrogen nuclei) evolution of the primordial gas cloud as a function of the number
density at the cloud center. In Figure 1.3(a), the cloud contracts adiabatically until
the density reaches 101 cm−3 because the molecular hydrogen fraction is small and the
molecular line cooling is inefficient. Molecular hydrogen has two formation paths. One
of the paths is the H− channel:
H + e− → H− + ph.
H− + H → H2 + e− .
The other path is the three-body reaction:
H + H +H → H2 + H ,
or
H + H + H2 → H2 + H2 .
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Fig. 1.3: Temperature (upper panel) and H2 fraction (lower panel) evolutions of a
primordial gas cloud, based on a spherical collapse one-zone model assuming a free-fall
density evolution. This figure is based on Omukai et al. (2005).
Molecular hydrogen is formed by the H− channel in the low density regime and by the
three-body reaction in the high density (>108 cm−3) regime. When the number density
is larger than 101 cm−3, the gas temperature decreases by the line cooling of molecular
hydrogen formed by the H− channel. The gas temperature reaches the local minimal
value (200 K) at 104 cm−3 and subsequently increases again. This is because the line
cooling rate per unit mass becomes independent of the density after reaching the local
thermodynamic equilibrium (LTE) of the level populations, while the compressional
heating rate per unit mass increases with increasing density in proportion to the square
root of the density. Since the primordial gas becomes optically thick to the continuum
radiation at 1016 cm−3, the radiative cooling becomes inefficient. After that, the chemical
cooling associated with the dissociation of molecular hydrogen is the main cooling source.
The primordial gas becomes adiabatic at 1021 cm−3 because most of molecular hydrogen
is dissociated.
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Fig. 1.4: Structure of the collapsing primordial-gas cloud. Each panel shows the radial
profiles of (a) the number density, (b) the temperature, (c) the infalling velocity, and (d)
the chemical fraction of molecular hydrogen, respectively. The lines labeled from 0 to 7
represent the evolutionary sequences. This figure is taken from Omukai & Nishi (1998)
(reproduced by permission of the AAS).
We have described the temperature evolution of the collapsing gas cloud so far. Next,
we discuss the structure of the collapsing gas cloud. Figure 1.4 shows the radial profiles
of the gas cloud. From Figure 1.4(a), we can divide the gas cloud into an envelope with
decreasing density in proportion to r−2 and a core with a constant density. The core
contracts in a runaway fashion. We focus on the lines numbered 6 and 7 to deal with
the evolution of the gas cloud after it become adiabatic at 1021 cm−3. At r ≃ 1012 cm
(∼ 0.1 au), the infalling velocity slows down and the gas temperature rises (Figures 1.4b
and c). It is because a hydrostatic core forms at the cloud center and the accretion gas
undergoes shock heating at the core surface. This adiabatic core is called a protostar and
has a mass of ∼ 0.01 M⊙ . Since a large amount of the gas is left around the protostar in
the envelope, the protostar mass increases due to gas accretion, as described in the next
section.
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Fig. 1.5: Spatial distributions of gas temperature (left) and number density (right) in an
accretion phase of Pop III star formation. The four panels present snapshots at different
times 13, 19, 31, and 70 kyr after a protostar formation. The central stellar mass at
each time is shown in the upper right corner. This figure is taken from Hosokawa et al.
(2011). Reprinted with permission from AAAS.
1.4.2 Accretion phase of Pop III star formation
In this section, we describe the phase in which the protostar with initial mass of ∼0.01 M⊙
grows through the gas accretion. Since stars gain most of their mass during the accretion
phase, how massive a Pop III remnant black hole can be formed is determined in this
phase. The accretion phase have been studied by numerical simulations (Stahler et al.
1986; Omukai & Palla 2003; Hosokawa et al. 2011, 2016; Clark et al. 2011; Greif et al. 2012;
Stacy et al. 2016; Hirano & Bromm 2017; Sugimura et al. 2020). Hosokawa et al. (2011)
self-consistently solved radiative hydrodynamics around the central star and the stellar
evolution. They calculated the stellar evolution using the accretion rate obtained from
the radiative hydrodynamic simulation and then solved the radiative hydrodynamics
including the UV feedback estimated from the stellar evolution. Figure 1.5 shows
the spatial distributions of gas temperature and number density in the simulation of
Hosokawa et al. (2011). Since the gas fed from the gas cloud has some angular momentum,
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Fig. 1.6: Evolution of accretion rate onto a Pop III protostar. The blue line is the
accretion rate in a simulation including the effect of UV feedback. The red line is the
accretion rate in a numerical experiment without the UV feedback. The asterisk symbols
indicate the times corresponding to the snapshots in Figure 1.5. This figure is taken
from Hosokawa et al. (2011). Reprinted with permission from AAAS.
an accretion disk is formed in the equatorial plane. When the stellar mass is larger
than 20 M⊙ , an ionized region is formed by the UV feedback in the polar direction
(Figure 1.5a). After that, the ionized region in the polar direction expands by the UV
radiation from the central protostar (Figure 1.5b and c). Since the whole surrounding
gas except the accretion disk is ionized when the central star reaches 40 M⊙ , the gas
feeding from the cloud to the accretion disk is suppressed. The disk without the gas
supply is directly exposed to UV radiation and gradually emaciates by photo-evaporation
(Figure 1.5d). Figure 1.6 shows the gas accretion rate onto the protostar. When the
stellar mass exceeds 20 M⊙ , the accretion rate is smaller than that in a case without
the UV feedback because the ionized region formed in the polar direction suppresses
the accretion. The accretion rate finally decreases with the expansion of the ionized
region. The mass accretion onto the protostar finaly finishes when the stellar mass
reaches 43 M⊙ . In this way, the initial mass of Pop III stars is determined by the UV
feedback.
The properties of gas clouds before the collapse phase (cloud mass, rotation and so
on) are thought to have some variations. These differences are expected to affect the
initial mass of Pop III stars. Hirano et al. (2014, 2015) and Susa et al. (2014) calculated
the Pop III star formation in 100, 1540, and 59 dark haloes, respectively, obtained from
the cosmological simulation and showed the initial mass function of Pop III stars.
We show the mass distribution of Pop III stars in Figure 1.7, which is taken from
Hirano et al. (2015). In this figure, the authors classify the Pop III stars into two
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Fig. 1.7: Mass distribution of Pop III stars. The left panel shows the distributions
of Pop III.1 (blue) and Pop III.2 stars (red). The dotted line represents the sum of
the two populations. The right panel shows the distribution of Pop III.1 stars with
different forming redshift ranges from high (red) to low redshift (blue). The black solid
line depicts the total distributions over all redshift for Pop III.1 stars whereas the dotted
line is same as the left panel. This figure is taken from Hirano et al. (2015).
populations, Pop III.1 and Pop III.2. Pop III.1 stars are formed in primordial clouds
which are unaffected by any external radiation from other nearby stars. On the other
hand, Pop III.2 stars are formed under the influence of far-UV radiation from other
pre-existing stars. Since the far-UV radiation lowers the abundance of H2 molecules,
the H2 line cooling become inefficient and the temperature becomes higher than that
in the case of no far-UV radiation. In such a higher temperature cloud, massive stars
with masses of >100 M⊙ are more likely to form because the Jeans mass is larger (see
Figure 1.7a).
From Figure 1.7(b), the typical mass of the Pop III.1 stars is a few hundred M⊙ at
higher redshifts (z>18), and it gradually decreases toward lower redshift. At redshifts of
10<z<14, the number of the stars with <100 M⊙ increases. This is because the HD line
cooling operates in such a redshift and reduces the temperature to the cosmic microwave
background (CMB) floor temperature at TCMB=2.73(1+z) K.
The total mass (the dotted line in Figure 1.7a) has distributed variability in the
range from 10 to 1000 M⊙ . The shape of the mass function is bimodal and has two
peaks at ∼30 and ∼300 M⊙ . The Pop III stars distributed at the higher-peak side are
expected to left behind black holes more massive than the stellarmass black holes in the
local universe, as discussed in the next section.
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Fig. 1.8: Relation between the stellar mass at zero-age main sequence and the remnant
object mass. Non-rotating Pop III stars are assumed. The black line indicates the
remnant object mass. The gray line shows the stellar mass before the mass loss due to
stellar wind, supernova explosion, etc. This figure is taken from Heger & Woosley (2002)
(reproduced by permission of the AAS).
1.4.3 Fate of Pop III stars
The fate of the formed Pop III stars depends on the stellar mass at zero-age main
sequence (ZAMS) (Heger & Woosley 2002). Figure 1.8 shows remnant object mass as
a function of the stellar mass at ZAMS. Here, we assume non-rotating stars. In this
section, we explain the fate of Pop III stars based on Figure 1.8.
Firstly, if the ZAMS mass is less than 10 M⊙ , a Pop III star leaves a white dwarf.
Secondly, Pop III stars with the mass of 10...40 M⊙ explode as supernovae (SNs). If the
ZAMS mass is less than 25 M⊙ , a neutron star is left. If the ZAMS mass is larger than 25
M⊙ , the dispersed gas falls back onto the neutron star and then a BH is formed because
the neutron star exceeds the Chandrasekhar limit. Thirdly, if the ZAMS mass is from 40
to 140 M⊙ , the energy enough to set off SN explosion is not available and the central iron
core directly collapses to a BH. Fourthly, if the ZAMS mass is from 140 to 260 M⊙ , the
temperature at the core is high enough to produce e+-e− pairs. Since the internal energy
of the core is reduced by pair production, the core starts to dynamically collapse. As a
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result, violent oxygen burning occurs. The entire star eventually is disrupted without
leaving a compact object by the explosion, so-called a pair instability SN. Fifthly, if the
ZAMS mass is larger than 260 M⊙ , the energy produced by the violent oxygen burning
is consumed by the photo-disintegration of Ni and He. Thus the core directly collapses
into a BH. Finally, if the mass is larger than 105 M⊙ , the star directly collapses into the
BH by the general relativistic instability.
From Section 1.4.2, typical mass of the Pop III stars is ∼100 M⊙ . The Pop III stars
with such a mass leave a similar mass BHs at the end of their lives.
1.5 Direct collapse
In this scenario, SMSs with the mass of 105 M⊙ are supposed to form. SMSs collapse
into seed BHs with the similar mass by the general relativistic instability at the end of
their lives. In this section, we explain the SMS formation.
1.5.1 Thermal evolution of collapse phase in SMS formation
An SMS is thought to be formed in the neighborhood of a protogalaxy consisting of the
first-generation stars and/or their descendant stars. Massive stars in the protogalaxy
affect their surrounding inter-galactic medium by the stellar radiation and the supernova
explosion. The UV radiation ionizes the surrounding gas, and the supernova wind releases
the metals and dust. In the ionized region, star formation is suppressed because of the
high gas temperature (>104 K). On the other hand, in the metal enriched region, star
formation is induced due to the metal-line and dust cooling. The ionizing photons (>
13.6 eV) have a short mean free path because they are immediately absorbed by the
neutral gas, but the far-UV photons (< 13.6 eV) can reach further than the ionizing
photons. For the SMS formation, contribution of such a photon with the energy of
< 13.6 eV is important. If the pristine gas cloud is exposed to far-UV radiation from
its neighborhood galaxy, the molecular hydrogen formation is encumbered through the
following processes (Omukai 2001; Shang et al. 2010; Latif et al. 2014; Sugimura et al.
2014). One of the processes is photo-dissociation of molecular hydrogen,
H2 + ph. → H∗2 → H + H,
where the energy range of photons is from 11.2 to 13.6 eV. The another process is H−
photo-detachment,
H− + ph. → H + e−,
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Fig. 1.9: Density-temperature relation for the collapsing of primordial-gas cloud irradiated
with far-UV radiation. This figure is based on Omukai (2001).
where the energy range of photons is larger than 0.75 eV. The H− photo-detachment
indirectly suppresses the molecular hydrogen formation by destroying H− which is an
intermediate product in the H− channel.
In the gas cloud where the formation of molecular hydrogen is suppressed, the atomic
cooling becomes the main cooling source instead of the molecular cooling. Therefore,
the thermal evolution of the collapsing cloud follows a different track from that of
ordinary Pop III stars explained in Section 1.4.1 (Omukai 2001). Figure 1.9 shows the
phase diagram of density and temperature in the collapsing cloud in which molecular
hydrogen formation is suppressed by far-UV radiation. When the number density is
102 cm−3, the gas cools by the hydrogen Ly-α emission and contracts almost isothermally.
The Ly-α emission becomes inefficient at the density of 106 cm−3, where collisional
de-excitation from the 2p state begins to dominate Ly-α emission, i.e. radiative de-
excitation, as a result of its small escape probability. After that, the gas cools by the
gas continuum emission, i.e. two-photon emission and H− free-bound emission. The
pristine gas becomes optically thick to the gas continuum at the density of 1016 cm−3.
The above picture of the collapsing atomic cooling cloud is confirmed not only by the
one-zone calculation but also three-dimensional hydrodynamic simulation (Inayoshi et al.
2014). The simulation has found monolithic collapse without fragmentation due to the
quasi-isothermal contraction and the formation of a protostar with the mass of 0.2 M⊙
at the number density 1016 cm−3. The large amount of the gas (>105 M⊙ ) is still left
behind around the protostar.
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1.5.2 Stellar evolution under the rapid gas accretion
The protostar grows massive due to the gas supply from its surrounding cloud. The gas







∝ T 3/2 , (1.9)
where MJeans is the Jeans mass, tff is the free-fall time, and cs is the sound speed (Shu 1977;
Stahler et al. 1986). The accretion rate in the atomic cooling gas (∼8000 K) is typically
0.1 M⊙ yr−1, while that in the Pop III star-forming gas (∼400 K) is 10−3 M⊙ yr−1 (see
Figure 1.6). The difference in accretion rate in the two cases affects the proto-stellar
evolution.
Hosokawa et al. (2012, 2013) performed the stellar evolution calculation with rapid
mass accretion. Figure 1.10 shows stellar radius evolution in cases with seven different
accretion rates of 10−3 to 1 M⊙ yr−1. In the case of the lowest accretion rate shown
10−3 M⊙ yr−1 (the black line in Figure 1.10a), the proto-stellar radius initially expands
gradually with increasing mass via adiabatic heat input, so-called the adiabatic-accretion
phase (< ∼6 M⊙ ). When the stellar mass reaches ∼ 6 M⊙ , the protostar shrinks due to
losing the entropy by its own radiation (Kelvin-Helmholtz contraction; KH contraction).
The temperature at the center of the protostar becomes high enough to ignite hydrogen,
and the protostar reaches the ZAMS when the stellar mass is ∼ 40 M⊙ . On the other
hand, in the case of higher accretion rate of 10−1 M⊙ yr−1 (the red line in Figure 1.10b),
the proto-stellar radius continues to bloat without the KH contraction (see also Omukai
& Palla 2003). The inner structure of the protostar is inhomogeneous and can be divided
into the contracting core and bloating envelope. Most of the stellar mass is concentrated
in the core, and the envelope has only 5 % of total stellar mass (Hosokawa et al. 2013).
This phase in which the stellar surface continues to expand is called the “supergiant
protostar” phase.
Figure 1.11 shows the evolutionary tracks of the accreting protostars in the HR
diagram. In the supergiant protostar phase, the proto-stellar luminosity is close to the
Eddington value, and the effective temperature is kept at a constant value (∼5000 K)
due to the strong temperature dependence of the H− opacity (see the red and blue lines
in Figure 1.11). Those two conditions lead to an analytic expression for the stellar radius:






where R∗ is the stellar radius. This analytic expression is consistent with the results of
stellar evolution calculations (see Figure 1.10).
Ionizing photons are hardly emitted from the supergiant protostar because the
temperature of the bloated envelope is only ∼5000 K. Therefore, the accreting flow does
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Fig. 1.10: Evolution of the stellar radius at different accretion rate. In upper panel, the
different colors represent the evolutions with the accretion rates of 10−3 M⊙ yr−1 (black),
6× 10−3 M⊙ yr−1 (blue), 3× 10−2 M⊙ yr−1 (red), and 6× 10−2 M⊙ yr−1 (magenta).
In bottom panel, same as the upper panel, but for the evolution with higher accretion
rates, 6× 10−2 M⊙ yr−1 (magenta), 10−1 M⊙ yr−1 (red), 3× 10−1 M⊙ yr−1 (blue), and
1 M⊙ yr
−1 (black). The open and filled circles on each curve show the times when the
accretion timescale equals the KH timescale and when the hydrogen burning begins. The
green line in both panels is given by the analytic expression in Equation (1.10). This
figure is taken from Figure 5 in Hosokawa et al. (2012) (reproduced by permission of the
AAS).
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Fig. 1.11: Evolutionary tracks in the HR diagram. The colors indicate the tracks
with three different accretion rates, 0.01 M⊙ yr−1 (magenta), 0.1 M⊙ yr−1 (red), and
1 M⊙ yr
−1 (blue). The black dotted line shows the loci of non-accreting ZAMS stars.
This figure is taken from Figure 8 in Hosokawa et al. (2013) (reproduced by permission
of the AAS).
not encounter the ionizing feedback and easily keeps a high rate. This picture is also
confirmed by other SMS formation hydrodynamic simulations (Chon et al. 2018; Regan
& Downes 2018; Latif et al. 2020). They have found that an SMS with mass of ∼ 105 M⊙
is eventually formed.
The SMS reaching the mass of ≳ 105 M⊙ collapses by the general relativistic instability
without the supernova, so-called direct collapse, and leaves a BH with the similar mass
(Fuller et al. 1986; Umeda et al. 2016; Woods et al. 2017; Haemmerlé 2020).
1.6 Runaway collision in dense star clusters
In some star clusters in the present-day universe, it has been suggested that intermediate-
mass BHs (IMBHs) hide at the central regions. If they exist, IMBHs can be remnants
of massive stars formed via the runaway collision in the star cluster (Ebisuzaki et al.
2001; Vanbeveren et al. 2009). Omukai et al. (2008) showed that dense star clusters, in
which the runaway stellar collision can occur, would be formed in metal-enriched atomic
cooling halos. According to their one-zone calculations of collapsing gas clouds, if the gas
metallicity is larger than 5× 10−6 Z⊙, the dust cooling prompts the cloud fragmentation
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and a dense star cluster is formed. Such a dense star cluster is expected as a formation
site of IMBHs.
Katz et al. (2015) have examined the dynamical evolution of a star cluster within a
metal-enriched mini-halo obtained from a cosmological simulation. In their simulation,
runaway stellar collision occurs and massive stars with mass of ∼300 to 1000 M⊙ finally
form. Although Katz et al. (2015) calculated only a single mini-halo, Sakurai et al. (2017)
performed N-body simulations of eight star forming gas clouds with mass of ∼ 105 M⊙ ,
which is identified from their cosmological simulation. As a result, in seven out of the
eight gas clouds, runaway collision occurs within a few million years and the masses of
the most massive stars range from ∼400 to 1900 M⊙ . The massive stars observed in
the simulations of Katz et al. (2015) and Sakurai et al. (2017) would leave similar mass
BHs. Thus, the runaway collision in dense star clusters is a prospective channel to form
massive BHs in the early universe.
1.7 Advantages of direct collapse scenario
Thus far, we have described the three formation channels for the seed BHs in Sec-
tions 1.4, 1.5, and 1.6. In this thesis, we focus on the direct collapse scenario since the
seed BH formed via the SMS is an optimal candidate for the origin of particularly distant
SMBHs. We show the SMBH mass evolution under the Eddington limit accretion in Fig-
ure 1.2. If a seed BH is formed at redshift z=30 with the mass of 100 M⊙ corresponding
to that of a Pop III remnant BH, the BH mass reaches 6.5×107 M⊙ and 2.0×109 M⊙ at
z=7 and 6, respectively (the red line in Figure 1.2). As shown in Figure 1.2, the masses
of all the SMBHs at z>7 are larger than 108 M⊙ . This fact suggests that the Pop III
remnant BH is difficult to be the progenitors of the SMBHs existing at z>7. The blue
line in Figure 1.2 indicates the mass evolution in the case of a seed BH corresponding to
an SMS remnant. In this case, the BH mass reaches 1.3× 1010 M⊙ and 4.0× 1011 M⊙
at z=7 and 6, respectively. The most distant SMBH is 1.6× 109 M⊙ at z=7.64 (Wang
et al. 2021). Such a distant and massive SMBH is thought to grow from the BH formed
via an SMS because the BH formed via an SMS can be 3.1× 109 M⊙ at z=7.5, while
the Pop III remnant BH is 1.6× 107 M⊙ at the same redshift.
1.8 Motivation of this thesis
Here, we present the current issues on the direct collapse scenario in Sections 1.8.1 and
1.8.2, and we mention the aim of this thesis in Section 1.8.3.
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1.8.1 Disk fragmentation in SMS formation
As mentioned in Section 1.5.2, the UV feedback is suppressed due to the stellar radius
expansion under the rapid gas accretion. The accretion rate must be higher than the
critical value of 4 × 10−2 M⊙ yr−1 in order to maintain the inflated stellar surface
(Omukai & Palla 2003; Hosokawa et al. 2012, 2013). Once the stellar radius shrinks
owing to the accretion rate less than the critical value, the effective temperature rises.
The UV photons emitted from the shrinking star may become strong enough to ionize
the inflowing gas and terminate the accretion activity before the SMS formation. If
the accretion rate becomes once again higher than the critical value, the protostar can
continue to grow by gas accretion because the effective temperature remains ∼5000 K.
We can judge the fate of stellar mass growth by comparing the length of quiescent period
with the Kelvin-Helmholtz (KH) timescale at the stellar surface (Sakurai et al. 2015).
The quiescent period ∆tq means the time duration for which the accretion rate is below








If the KH timescale is shorter than the quiescent period, the stellar mass growth is
stopped by the UV feedback. On the other hand, if the KH timescale is longer than the
quiescent period, the stellar radius expands and the accretion flow continues to fall onto
the protostar.
The intermittent gas accretion is induced by the disk fragmentation. If clumps
formed by disk fragmentation accrete onto the protostar, the accretion rate suddenly
increases. After that, the gas accretion calms down. In order to assess the occurrence of
fragmentation, Matsukoba et al. (2019) have constructed models for one-dimensional
axisymmetric and steady accretion disks by solving non-equilibrium chemical and thermal
evolution and investigated gravitational instability of the disk. They assume that the
disk is marginally gravitationally unstable and the angular momentum is transported by




∼ 1 , (1.12)
where QT is Toomre’s Q parameter (Toomre 1964), κep is the epicyclic frequency, and





∝ T 1/2M1/2∗ , (1.13)
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Fig. 1.12: The disk structure for an accretion flow with Ṁ = 10−1 M⊙ yr−1 at five
different central stellar masses, 105 M⊙ (red), 104 M⊙ (orange), 103 M⊙ (green), 102 M⊙
(blue), and 10 M⊙ (purple) in upper panels. Upper panels show the radial distribution
of (a) temperature and (b) viscosity parameter α. In lower panels, the raidal profiles of
(c) chemical fractions and (d) heating and cooling rates by individual processes for the
accretion flow with stellar mass M∗ = 102 M⊙ and accretion rate Ṁ = 10−1 M⊙ yr−1.
where ΩK is the Keplerian angular velocity. Equation (1.13) shows that the density
structure of the disk is determined by the gas temperature and central stellar mass.
Figure 1.12 shows the disk structure with the accretion rate of 0.1 M⊙ yr−1 at five
different central stellar masses, 10 M⊙, 102 M⊙, 103 M⊙, 104 M⊙, and 105 M⊙. In all
the cases, the temperature gradually decreases as the gas flows inward (Figure 1.12 a).
When the optical depth exceeds unity, the gas temperature suddenly increases up to 104
K. The panels (c) and (d) in Figure 1.12 show the radial profiles of chemical fraction
(c) and cooling/heating rates (d) with the central stellar mass of 102 M⊙. The chemical
fraction is always dominated by atomic hydrogen, and the thermal balance between the
H− free-bound emission and the viscous heating results in the temperature evolution
in Figure 1.12 (a). Those trends are same in the cases of other central stellar masses.
Figure 1.12 (b) is the radial profile of the α parameter (Shakura & Sunyaev 1973). The
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Fig. 1.13: The maximum value of viscous parameter α in the disk as a function of the
accretion rate.















from the angular momentum conservation. Equation (1.14) is transformed by using






∝ T−3/2 . (1.17)
In Figure 1.12 (b), the α parameter has inverse correlation with the gas temperature as
we can see also Equation (1.17). The maximum α parameter is ∼0.7 at the radius just
before the sudden increase in temperature. That maximum value does not depends on
the central stellar mass.
Matsukoba et al. (2019) have applied α > 1 as the disk fragmentation condition
following the results of Zhu et al. (2012), who have performed the two-dimensional
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numerical simulations of the protoplanetary disks. Figure 1.13 shows the maximum
α parameter as a function of the accretion rate. From Figure 1.13, the maximum α
parameter exceeds unity when the accretion rate is larger than 0.1 M⊙ yr−1. Since
the typical accretion rate in SMS formation is 0.1 M⊙ yr−1, the results of Figure 1.13
suggest that the accretion disk is close to the critical state for fragmentation due to
the gravitational instability. Once the accretion rate surpasses 0.1 M⊙ yr−1, the disk
fragmentation is expected to occur and the accretion onto the central star would fluctuate
with time.
Sakurai et al. (2016) performed two-dimensional numerical simulations of the SMS
formation and studied the time evolution of the accretion rate. Furthermore, they
have calculated the stellar evolution by using the accretion rate obtained from their
numerical simulation. Their results suggest that the amount of the UV photons emitted
from the star does not suffice to suppress the accretion flow. The quiescent period
in their simulation is always shorter than the KH timescale, which is consistent with
the results of Sakurai et al. (2015). Sakurai et al. (2016), however, have adopted a
barotropic equation of state to model the thermal evolution, instead of solving the energy
equation. Considering that the temperature plays a critical role in determining the
gravitational stability of the disks, this approximation may affect their conclusion on the
role of radiative feedback. Most importantly, their barotropic relation was an inadequate
approximation because it is based on the thermal evolution of collapsing cores (Omukai
2001), which is largely different form that of disks (Matsukoba et al. 2019). Therefore,
we need to perform numerical simulations of SMS formation considering detailed thermal
processes and re-examine whether the protostars can grow to SMSs without being affected
by the radiative feedback.
1.8.2 SMS formation from metal-enriched gas cloud
In recent years, it has been proposed that an SMS can be formed in a slightly metal-
enriched gas cloud. Chon & Omukai (2020) performed hydrodynamic simulations of
SMS formation in metal-enriched gas clouds. They adopt an atomic cooling halo, which
is confirmed that an SMS forms in the zero metallicity case, as the initial condition,
and change only the value of metallicity while the density distribution is unchanged.
Figure 1.14 shows the density distributions in their calculation. In the case of Z = 10−6 Z⊙,
the disk around the primary star fragments only occasionally. As a result, an SMS forms
along with a small number of low-mass stars. This result is similar to that in the case
of the primordial gas. In the case of 10−6 Z⊙ ≤Z≤ 10−4 Z⊙, a few thousand low-mass
stars are formed as a result of the fragmentation induced by the dust cooling. Most of
them, however, either merge with the primary star or are ejected from the vicinity of
the primary star. As a result, the infalling gas accretes onto the primary star without
hindered by low-mass stars, and the primary star can grow to ∼ 104 M⊙ and probably
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Fig. 1.14: Density distribution around the primary star with three different metallicities,
Z = 5× 10−6, 10−6, 10−4, and 10−3 Z⊙ (from top to bottom). Each row corresponds to
the elapsed time after the primary star formation at 0, 300, and 600 years (from left to
right). This figure is taken from Chon & Omukai (2020).
reaches the SMS regime (≳ 105 M⊙ ). Such preferential accretion growth of protostars is
called “super-competitive accretion”. Once the metallicity exceeds 10−3 Z⊙, the cloud
structure changes owing to the metal-line cooling (Figure 1.14). In the case of lower
metallicities Z ≤ 10−4 Z⊙, the cloud is nearly spherical, but in the case of Z = 10−3 Z⊙,
the cloud becomes filamentary because the metal-line cooling becomes effective at lower
density (∼ 105 cm−3). In this case, since the accretion rate to the primary star is two
orders of magnitude less than that in lower metallicity cases, the SMS formation fails.
To summarize their results, the SMS formation is expected in the metallicity range
Z ≲ 10−4 Z⊙.
Although the SMS formation is expected to occur even in a slightly metal-enriched
gas cloud as mentioned above, time fluctuation of the accretion rate is important also in
such a situation. The star near the center selectively acquires the gas from its envelope,
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but the accretion rate can decrease due to the disk fragmentation. The properties of the
disk with low metallicity are still not well understood not only in the case of the SMS
formation, but also in the case of the formation of stars with the ordinary stellar mass.
Several numerical simulations of the disk evolution with the low metallicity environ-
ments have been performed so far. Machida & Nakamura (2015) have followed the disk
evolution for 100 yr after the protostar formation with the metallicities of 0 to 1 Z⊙.
In their simulation, the vigorous disk fragmentation occurs with ≤ 10−4 Z⊙, while the
disk becomes stable with higher metallicities. Their simulations, however, adopted the
barotropic equation of state to model the thermal evolution of gas. That barotropic
relation does not reflect the realistic thermal evolution in the disk because it is based on
the result of the collapsing gas cloud (Omukai et al. 2008). Although other simulations
performed by Chiaki & Yoshida (2020) have followed the disk evolution at the metallicity
of 0 to 10−3 Z⊙ with a detailed treatment of thermal processes, their simulations followed
only the short time evolution with ∼100 yr after the protostar formation. In order to
understand the effect of disk evolution on the star and the properties of formed clumps
via disk fragmentation, longer-term simulations are needed.
1.8.3 Aims of this thesis
The fragmentation of the circumstellar disk is one of the mechanisms that reduce the
accretion rate onto the protostar. If the accretion rate temporarily drops below the
critical value of 4× 10−2 M⊙ yr−1, the stellar surface begins to shrink, and hence the
effective temperature rises. If the quiescent period, when the accretion rate is less than
the critical value, is longer than the KH timescale at the stellar surface, the strong UV
radiation is emitted from the shrinking protostar and the accretion flow is suppressed.
Therefore, we need to investigate whether the disk fragmentation actually occurs and, if
so, how the accretion rate fluctuates with time. In Chapter 2, we perform simulations of
SMS formation to examine whether such a protostar can grow to a SMS without being
affected by the radiation feedback based on the comparison of the two timescales.
Chon & Omukai (2020) have propounded the SMS formation in a slightly metal
enriched cloud due to the super competitive accretion. Since metal-poor circumstellar
disks are prone to fragment due to dust cooling, time fluctuation of accretion rate would
be violent. Simulations of metal-poor circumstellar disks have, however, been performed
only for a short term (∼100 yr) in low-mass star formation, and it is not clear how the
disk evolution affects the stellar evolution in low-metallicity environments. In order to
examine the properties of metal-poor disks, i.e., gravitational stability, thermal processes,
and the accretion rate, we perform hydrodynamic simulations of low-mass star formation
for longer term than that of the previous studies in Chapter 3. Knowledge from this
examination will help us understand the disk evolution in the SMS formation.
26 | Summary of supermassive black holes formation in the early universe
We aim to clarify whether SMSs can be formed and become progenitors of the SMBHs
in the early universe based on the above two topics.
CHAPTER2
INTERMITTENT ACCRETION IN SMS FORMATION
2.1 Overview
Seed BH formation by the direct collapse and its subsequent growth is one viable scenario
for the SMBH formation in the early universe. In this framework, a small protostar is
first formed by the gravitational collapse of a primordial gas cloud, and grows to SMS
by rapid accretion, and finally the SMS collapses by general relativistic instability into a
seed BH.
A rapidly accreting protostar inflates greatly in radius with the effective temperature
of ∼5000 K. Radiation feedback from such a bloating protostar is suppressed, as long as
the accretion rate higher than the critical value 4×10−2 M⊙ yr−1 is maintained. Once the
accretion rate falls below the critical value for sometime, however, the radiation feedback
may become significant and eventually terminate the stellar growth. By performing
stellar evolution calculations with an accretion model with repeating burst and quiescent
phases, Sakurai et al. (2015) showed that the protostar contracts to the main sequence
and radiation feedback becomes active if the quiescent phase exceeds the KH timescale
at the stellar surface given in Equation (1.11).
Time variations would be caused by clump formation in the circumstellar disk.
Matsukoba et al. (2019) studied the gravitational stability of circumstellar disks in SMS
formation, and claimed that the disk becomes unstable and fragmentation occurs for
a disk accreting at a higher rate than the typical rate of 0.1 M⊙ yr−1. Therefore, we
need to know more realistic accretion histories onto protostars by performing numerical
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simulations and examine whether the protostars can grow to SMSs without affected by
the radiation feedback.
This chapter is organized as follows. We describe our simulation model and the initial
conditions in Section 2.2. We then present the time evolution of disk structures and
central stars in Section 2.3. Summary and discussion are given in Section 2.4.
The content in this chapter has been originally published in Monthly Notices of the
Royal Astronomical Society, Volume 500, Issue 3, p.4126-4138 (Matsukoba et al. 2021)
2.2 Method
We follow the time evolution of the disks around growing SMSs using vertically-integrated
two-dimensional simulations with a detailed treatment of chemical and thermal processes.
Here, we first explain the method for the hydrodynamic simulations and then describe
the thermal processes, chemical reactions, and initial conditions adopted in this study.
2.2.1 Hydrodynamic simulations
Here, we describe the method for our vertically-integrated two-dimensional simulations
used to follow the gas dynamics around growing SMSs. We use polar-coordinate (r, ϕ)
grids with 512×512 spatial zones. The grids are logarithmically spaced in the radial
direction and have equal spacing in the azimuthal direction. The computational domain
extends to the outer radius of rout = 2× 106 au, with the sink cell with the size rsc = 300
au introduced at the center. We adopt a free inflow-outflow boundary condition, allowing
matter to flow freely from the computational domain to the central sink cell. We
determine the radial velocity and internal energy at the inner boundary from the zero
gradient condition, while extrapolate the azimuthal velocity from the computational
domain to the sink cell assuming a Keplerian rotation. The outer boundary condition is
set to a free outflow, allowing material to flow out of the computational domain, but not
allowing any material to flow in. At each time step, we measure the mass flowing into
the sink cell, in which we assume that a central star is surrounded by an unresolved disk,
and increase the stellar mass according to the following sink-cell model: 4 % of the gas
flowing into the sink cell is deposited in the unresolved disk, 9.6 % is carried away by the
stellar jet, and the rest accretes onto the central star. We initially set the stellar mass to
zero and the surface density of the sink cell to the same as in the innermost grids.
To follow the hydrodynamic evolution of the gas, we solve the vertically-integrated
mass, momentum, and energy transport equations:
∂Σ
∂t
= −∇p · (Σup) , (2.1)
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∂
∂t
(Σup) + [∇ · (Σup ⊗ up)]p = −∇pP + Σgp + (∇ ·Π)p , (2.2)
∂ε
∂t
+∇p · (εup) = −P (∇p · up)−Qnet + (∇u)pp′ : Πpp′ , (2.3)
where the subscripts p and p′ represents the planar components (r, ϕ) in the polar
coordinates, Σ is the surface density, up = urr̂ + uϕϕ̂ is the planar velocity, P is the
vertically integrated gas pressure, ∇ = r̂∂/∂r + ϕ̂r−1∂/∂ϕ is the gradient in the disk
plane, gp = grr̂+gϕϕ̂ is the gravitational acceleration including the gravity of the central
star and the self-gravity of the circumstellar disk, ε is the internal energy per unit area,
and Qnet is the net cooling rate per unit area, which we describe in Section 2.2.2. The
gas pressure and internal energy are related by the ideal-gas equation of state,
P = (γ − 1)ε , (2.4)
with the adiabatic exponent γ, which we consistently calculate according to the chemical
composition considering the rotational and vibrational degrees of freedom of the H2. The
gas mass density and temperature, which are used for the computation of the thermal











where Hg is the gas scale height estimated from vertical hydrostatic balance in the
gravitational fields of the star and disk, µ is the mean molecular weight, kB is the
Boltzmann constant, and mH is the mass of a hydrogen nucleus. The self-gravity of the
disk is computed by taking the gradient of the gravitational potential








r′2 + r2 − 2rr′cos(ϕ′ − ϕ)
dϕ′ . (2.7)
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where e is the unit tensor and ν is the kinematic viscosity, which is given according to
the α-viscosity prescription (Shakura & Sunyaev 1973),
ν = αcsHg . (2.9)
Here, cs =
√
γP/Σ is the sound velocity. In this study, we set α = 10−4. Although we
consider the angular momentum transport due to the turbulent viscosity, the primary
angular momentum transport mechanism is the gravitational torque.
When we solve Equations (2.1), (2.2), and (2.3), we use the method of finite differences
with a time-explicit solution procedure. The solution is split in the transport and source
steps. In the transport step, the update of hydrodynamic quantities due to advection is
carried out by using the third-order piece-wise parabolic interpolation scheme of Colella
& Woodward (1984). In the source step, the update of hydrodynamic quantities due to
gravity, turbulent viscosity, cooling, and heating is performed
2.2.2 Thermal processes
The net cooling rate per unit area is given by
Qnet =
∫
Λnet dz = 2HgΛnet , (2.10)
where Λnet is the net cooling rate per unit volume. The value of Λnet is the sum of the
rates of H2-line cooling ΛH2 , Lyman-α cooling ΛLyα, continuum cooling Λcont, chemical
cooling Λchem, H− photodetachment heating ΓPD, and stellar irradiation heating Γirr:
Λnet = ΛH2 + Λcont + ΛLyα + Λchem − ΓPD − Γirr . (2.11)
The H2-line cooling rate is given by
ΛH2 = βesc,H2ΛH2,thine
−τ , (2.12)
where ΛH2,thin is the optically-thin rate (Glover 2015), βesc,H2 is the line-averaged escape
probability (Fukushima et al. 2018), and τ is the effective optical depth for continuum
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for which we use the Planck (Rosseland) mean opacity κP(R) provided by Mayer & Duschl
(2005). Similarly, the Lyman-α cooling rate is given by
ΛLyα = βesc,LyαΛLyα,thine
−τ , (2.15)
where ΛLyα,thin is the optically-thin cooling rate (Cen 1992) and βesc,Lyα is the escape
probability estimated by using the method in Inayoshi et al. (2016). We consider H
free-bound emission, H− free-bound emission, H− free-free emission, H free-free emission,
H2-H2 collision-induced emission, and H2-He collision-induced emission as the continuum
radiation processes. The H− free-bound emission plays the primary role as a coolant
in the circumstellar disks (Matsukoba et al. 2019). We use the fitting formula for the
continuum cooling rate in the optically thin regime Λcont,thin from Appendix A and









The chemical cooling/heating processes include H ionization/recombination, H2 dissocia-















where χH=13.6 eV, χH2=4.48 eV, and χH−=0.755 eV are the binding energies. The
chemical fraction of species i, y(i), is defined by the ratio of its number density n(i) and










where yHe is the fractional abundance of helium.
In SMS formation, H− photodetachment by external radiation may contribute to
the suppression of H2 formation in the low-density region. The gas is also heated upon
photodetachment because the excess photon energy is stored as the kinetic energy of
photodetached free electrons. The H− photodetachment heating rate is given by
ΓPD = ϵPD nH y(H
−) k22 , (2.20)
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where ϵPD is the average heating rate per reaction, k22 is the photodetachment rate per











with the reaction cross-section σPD (John 1988) and the external radiation intensity





e−τ erg s−1 Hz−1 str−1 cm−2 , (2.22)
with the Planck function Bν(Tex) and the far-UV intensity J21 (in the unit of 10−21 erg
s−1 Hz−1 str−1 cm−2 at hν = 13.6 eV), and set the radiation temperature Tex = 104 K
(but see also Sugimura et al. 2014, for discussion about realistic radiation spectra). This
yields ϵPD = 2.23 eV, independently of τ and J21,
Our thermal model also takes into account the central stellar irradiation heating.
As the star grows and its luminosity increases, it may affect the gas temperature. We
assume that a part of the stellar irradiation is absorbed by the flaring disk surface and

































with the incident angle of stellar irradiation to the disk γirr (Vorobyov & Basu 2010).
This function becomes 1/4 in the optically thin regime and cosγirr in the optically thick
regime. We compute the stellar luminosity L∗ using the analytical formula obtained
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from stellar evolution calculations (Hosokawa et al. 2012):






where M∗ is the stellar mass.
It is known that artificial fragmentation occurs in hydrodynamic simulations if the
Jeans length λJ becomes less than four times the grid size xgrid (Truelove et al. 1997). In
order to prevent such artificial fragmentation, we cut off the cooling by introducing a













and multiplying Λnet by this factor. We set flimit = 6 in our model, and hence the cooling
is suppressed when λJ becomes less than six times xgrid.
For comparison with the previous study (Sakurai et al. 2016), we also perform
hydrodynamic simulations using the barotropic temperature-density relation, instead of
solving the energy equation (Equation 2.3). We describe the results from the simulations
with the barotropic relation in Section 2.3.3.
2.2.3 Chemical reactions
We follow the chemical evolution of the primordial gas, solving the chemical network
of five species, H, H2, H+, H−, and e, and 22 reactions (reaction number from 1 to
22 summarized in Table B.1). Our chemical network was selected so as to correctly
follow the thermal evolution of both collapsing clouds and circumstellar disks in the SMS
formation (Omukai 2001; Matsukoba et al. 2019). In our chemical model, we solve the
non-equilibrium kinetic equations for H, H2, H+, and e, with H− assumed to be in the
chemical equilibrium of all related reactions. We assume that all helium is neutral, with
the fractional abundance yHe = 8.333× 10−2. We further solve the continuity equation
for each species assuming the collisional coupling with the gas.
2.2.4 Initial conditions
We start our simulations from the initial conditions extracted from the previous cos-
mological simulations in Chon et al. (2016) and follow the SMS formation from the
pre-stellar core stage until the masses of the central stars reach 30000 M⊙. Chon et al.
(2016) performed tens of zoom-in hydrodynamic simulations in a parent volume of 30
Mpc on a side and identified two collapsing primordial gas clouds that are exposed by
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Table 2.1: Initial properties of the simulated clouds in the SMS formation
rc (pc) Mc (M⊙) Mtot (M⊙) Ωc (s−1) J21 T (K) y(H2) y(H+), y(e)
filamentary 1.35 5.5× 104 7.9× 105 5.8× 10−14 5000 7100 1.8× 10−9 7.3× 10−5
spherical 1.47 5.6× 104 6.8× 105 2.8× 10−14 1000 7100 1.8× 10−9 7.3× 10−5
Note.—The parameters from left to right correspond to the core radius, core mass, total
mass, core angular velocity, far-UV intensity, temperature, and chemical fractions of H2,
H+, and e.
strong far-UV radiation from nearby galaxies and possibly form SMSs later on. We
extract these two clouds, which were labelled filamentary and spherical clouds from their
shapes, when the core density reaches 105 cm−3.
The properties of the two clouds are summarized in Table 2.1. The two clouds have
almost the same mass, but the angular velocity of the core is larger in the filamentary
cloud. For each cloud, we set our initial conditions using the spherically-averaged data















where ρ̃ is the spherically averaged density as a function of (r2 + z2)1/2 and ṽϕ is the
density-weighted spherical-average of the rotational velocity, which is almost identical
to the rotational velocity in the equatorial plane because the density is larger in the
equatorial plane than in the polar direction. Approximately, the density and the angular
velocity are constant in the core, but decrease in proportion to r−2 and r−1/2 in the
envelope, respectively.
The initial temperature and chemical fractions of H, H2, H+, and e are set to the
values obtained from the one-zone calculation when the number density reaches 105 cm−3.
In our thermal and chemical models, we consider the effects of external radiation from a
nearby galaxy. Following Chon et al. (2016), we set the values of the far-UV intensity J21
to 5000 for the filamentary cloud and 1000 for the spherical cloud (see Equation 2.22).
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Fig. 2.1: The time evolution of the disk in the filamentary cloud. Each row corresponds
to the surface density (top), temperature (middle), and chemical fraction of H2 (bottom)
at four different times, 5, 10, 20, and 30 kyr after the disk formation. The central stellar
mass at each time is shown in the bottom right corner of the upper panels.
2.3 Result
Here, we show our simulation results for the filamentary and spherical clouds. We present
the time evolution of the disks around the central stars in Section 2.3.1 and the growth
of central stars due to the intermittent accretion from the disks in Section 2.3.2. In
Section 2.3.3, we compare our results with a run using the barotropic temperature-density
relation.
2.3.1 Time evolution of the gravitationally unstable disk
Figure 2.1 shows the time evolution of the disk in the filamentary cloud. In the figure,
we present the surface density (top), the temperature (middle), and the chemical fraction
of H2 (bottom) at four different times, 5, 10, 20, and 30 kyr after the disk formation.
In the initial stage of gravitational collapse, the inner gas falls directly to the central
sink cell because the angular momentum is lower at smaller radius in the initial condition.
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Fig. 2.2: Same as Figure 2.1, but for the spherical cloud.
As time passes, the infalling gas starts rotating around the sink and forming a disk
because the outer gas with high angular momentum hits the centrifugal barrier near the
sink cell and cannot fall directly to the sink. The disk becomes massive and gravitationally
unstable soon after its formation due to the large mass supply rate to the disk. By 5
kyr after the disk formation, the gravitational instability leads to the formation of spiral
arms and dozens of clumps, as seen in the surface density panel of Figure 2.1. Most
of the clumps are confined to a compact central area of 5000 au in the early phase (5
and 10 kyr), but they later spread to a wider area of 10000 au, creating a central cavity
region of 5000-10000 au (20 and 30 kyr). The clumps tend to rotate at outer radius
as the angular momentum is brought in by the gas supplied from the envelope. The
clumps form in the high-density parts of the spiral arms created due to the collisions of
spiral arms. Most clumps end up with falling down to the center, maintaining the high
accretion rate to the sink cell, as we will see in Section 2.3.2.
The temperature of the envelope is quasi-isothermal with 5000-8000 K, consistent
with the one-zone calculation of a gravitationally collapsing core (Figure 1.3), whereas
that of the disk varies by three orders of magnitude (102-105 K) and largely different
from the results of the one-zone calculation. The temperature is closely related to the
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density structures: it is high in the clumps (>104 K), low behind the spiral arms (∼1000
K; the rotation is counterclockwise on the paper), and even lower in the cavity region
(∼ 102 K; see the panels at 20 and 30 kyr). The chemical fraction of H2 is inversely
correlated with the temperature: y(H2) is ∼ 10−6 in the envelope and spiral arms where
the temperature is moderate, smaller (< 10−10) in the hot clumps, and higher (≳ 10−3)
in the region behind the spiral arms and the cavity region where the temperature is low.
Figure 2.2 shows the time evolution of the disk in the spherical cloud, which is
qualitatively the same as in the filamentary cloud. The disk is gravitationally unstable
and fragmented to spiral arms and clumps, whose distributions spread spatially with
time.
In both runs, some clumps are ejected from the vicinity of the central star as a result
of the gravitational interactions with the central star or other clumps. An ejected clump















where R is the radial distance of the ejected clump from the central star. For the
filamentary cloud, the two clumps located at R = 6 and 8 × 104 au at the end of the
calculation have the velocities (35 and 47 km s−1, respectively) exceeding the escape
velocity (Equation 2.31), and would escape from the system thereafter. For the spherical
cloud, on the other hand, no clump is found to have high enough velocity to escape.
In the following, we present detailed analyses of the disk structures for better
understanding of the disk evolution. Here, we see only the case of the filamentary cloud,
because those for the spherical cloud are similar, as expected from the similar time
evolution seen in Figures 2.1 and 2.2. In order to examine the gravitational instability






where we have replaced the epicyclic frequency with Ω = vϕ/r assuming quasi-Keplerian
rotation. From the Toomre’s criterion, the disk is gravitationally unstable in the region
with QT < 1 (purple), marginally stable in the region with QT ∼ 1 (white), and stable
in the region with QT > 1 (green). It is clear from the comparison with Figure 2.1 that
the distribution of QT is closely related to the distributions of the surface density and
temperature (they are also closely related each other as mentioned above): the high-
density regions (i.e., clumps) have QT < 1, while the low-density regions has QT > 1; the
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Fig. 2.3: Spatial distributions of Toomre’s Q parameter in the filamentary cloud. The
time of each panel is the same as in Figure 2.1.
spiral arms have QT ≈ 1, which means they are in the critical state of disk fragmentation.
This value of QT along the spiral arms confirms that the gravitational instability of the
disk in fact causes their formation. The distribution of QT is consistent with a picture
of gravitationally unstable disks in which the gravitational torque of spiral arms and
clumps drives the accretion flows (e.g., Matsukoba et al. 2019).
The gravitational instability of the disk depends on the temperature of the gas since
QT ∝ cs from Equation (2.32). To understand the thermal evolution of gas, we plot
the mass distributions on the density-temperature phase diagrams in Figure 2.4. In
all four panels, a large amount of gas is distributed isothermally with the temperature
∼ 5000 − 8000 K between the number density ∼ 103 cm−3 and 108 cm−3. This is
the envelope contracting due to the atomic hydrogen cooling. The low-temperature
(< 1000 K) regions with the number density 107-1011 cm−3 correspond to the regions
behind the spiral arms. When the spiral arms pass through and sweep out the gas, not
only the density but also the temperature significantly decreases. The decrease of the
temperature is roughly adiabatic (T ∝ ρ2/3) because the expansion cooling works as the
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Fig. 2.4: Gas mass distributions on the density-temperature phase diagrams for the
filamentary cloud. The color indicates the mass in each density-temperature bin with
the widths of ∆ log nH = 0.1 and ∆ log T = 0.025. The time of each panel is the same
as in the Figure 2.1.
main coolant. Other features evident in the figure are the high density (> 1011 cm−3)
and high temperature (> 104 K) regions that correspond to the optically-thick clumps
heated due to adiabatic contraction.
Next, we examine the one-dimensional structure of the disk. The radial profiles of
the azimuthally-averaged (a) surface density and (b) temperature and (c) the enclosed
mass in the filamentary cloud are shown in Figure 2.5. Along with the profiles at 5
(red), 10 (orange), 20 (green), and 30 (blue) kyr after the disk formation, we plot the
radial profiles of the one-dimensional steady accretion disk model in Matsukoba et al.
(2019) with the gray filled lines, for which we set the two parameters of the model, the
stellar mass and accretion rate, to 5000-30000 M⊙ and 0.1 M⊙ yr−1, respectively. In this
one-dimensional model, we solve the non-equilibrium chemical and thermal evolution
assuming that the disk is marginally unstable with QT = 1. Here, we adjust the the
outer edge of the disk to 104 au (it was 103 au in Matsukoba et al. 2019), but otherwise
adopt the same set-up as in Matsukoba et al. (2019).
At each time, we see a strong density peak with 103 − 104 g cm−2 at 103 − 104 au
(Figure 2.5a), which coincides with a temperature peak with ≳ 104 K (Figure 2.5b).
The peak corresponds to the largest clump at each time, which is seen as the largest
red clump in each panel of the surface density snapshots in Figure 2.1. These clumps
are actually the identical clump observed at a different time, which we have confirmed
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Fig. 2.5: Radial profiles of the azimuthally-averaged (a) surface density and (b) tem-
perature and (c) the enclosed mass in the filamentary cloud. The gray filled lines show
the radial profiles of the one-dimensional steady accretion disk model (Matsukoba et al.
2019) for the stellar mass between 5000 M⊙ and 30000 M⊙. The colors indicate the times
after the disk formation, 5 kyr (red), 10 kyr (orange), 20 kyr (green), and 30 kyr (blue),
when the stellar masses are 4800 M⊙, 6600 M⊙, 10000 M⊙, and 19000 M⊙, respectively.
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from the snapshots with short time intervals. The clump mass, which can be estimated
from the jumps in the enclosed mass profile (Figure 2.5c), is ∼1000 M⊙ at 5 kyr and
grows to ∼10000 M⊙ at 30 kyr, as a result of mergers with other clumps and accretion of
surrounding gas. While the clump grows in mass, it also acquires the angular momentum
through the growth process, and thus its separation from the center gradually expands,
as indicated by the position of the peak moving outward with time in Figure 2.5. Similar
orbital evolution was reported in the simulations of Pop III star formation (Chon &
Hosokawa 2019; Sugimura et al. 2020).
Now, let us briefly compare the simulation results with the one-dimensional steady
accretion disk model. In Figure 2.5 (a and b), the radial profiles of surface density and
temperature are roughly consistent with the one-dimensional model outside the peaks,
but largely different inside the peaks, where the surface density is 2-3 orders of magnitude
smaller than that of the one-dimensional model and the temperature drops from ∼3000
K to 1000 K due to the expansion cooling. The lower-surface-density region is caused
by the gravitational interaction of the central star, the largest clump, and infalling gas.
The one-dimensional model fails to reproduce the simulation results because such effects
are not taken into account.
Before closing this section, it is worth noticing that massive clumps are formed in
both the filamentary and spherical clouds (see the upper-right panels in Figures 2.1 and
2.2). We show the mass evolution of the central star and the largest clump in Figure 2.6.
Here the mass of the largest clump is calculated by summing the mass in the grids with
the surface density above 104 g cm−2 around the maximum density in the clump, which
is sampled at every 5 kyr starting from 5 kyr after the disk formation. The largest
clump has grown to 17000 (filamentary) and 21000 (spherical) M⊙ and locates at ∼ 104
(filamentary) and 3× 103 (spherical) au away from the central star at the end of the
calculations (at ∼50 and 30 kyr after the disk formation, respectively), when the central
stellar masses reach 30000 M⊙. The largest clump in each run potentially makes a binary
stellar system with the central star eventually (see also Section 2.4). Although longer
timescale calculations are required to draw definite conclusion, previous simulations in
a similar context have observed the formation of binary SMSs (Chon et al. 2018; Latif
et al. 2020).
2.3.2 Stellar evolution under intermittent accretion
In Figure 2.6. The stellar masses reach the final mass of 30000 M⊙ in both cases, but the
growth time is shorter in the spherical cloud than in the filamentary cloud (∼30 kyr and
∼50 kyr, respectively). The central star accretes the gas more rapidly in the spherical
cloud, because the spherical cloud has the smaller initial angular momentum than the
filamentary cloud.
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Fig. 2.6: Time evolution of the star and the largest clump masses. The colors correspond
to filamentary cloud (red) and spherical cloud (blue). The solid and dashed lines represent
the central stellar mass and the largest clump mass, respectively.
Figure 2.7 shows the accretion rates in the two cases. We plot the time-averaged
rates with bins of 1000 years (blue) along with the raw rates (red). The raw accretion
rates violently fluctuate by nine orders of magnitude in both cases, while the averaged
rates fluctuate much more gently with some occasional strong bursts. We attribute the
strong fluctuations of the averaged rates to the interaction with the massive clumps
that have the masses comparable to the central stars, as explained in Section 2.3.1. In
contrast, the fluctuation of the averaged rate is especially small in the early time (≲15
kyr) in the spherical cloud, partly because clumps as massive as the central star has yet
to form for this period. The massive clumps exert gravitational torque on the gas in the
disks, causing accretion bursts that are followed by short quiescent periods. Besides,
they sometimes approach the central star so closely as to be tidally disrupted and some
of their material is transferred to the central star, as we observe in the snapshots with
short time intervals. Such events cause the particularly large accretion bursts at ∼30
and 38 kyr in the filamentary cloud, which increase the stellar mass by ∼5000 M⊙ (see
also Figure 2.6).
As described in the introduction, the radiative feedback by the ionizing radiation
from the protostars may quench the accretion if the accretion rate drops below the
critical value of 4×10−2 M⊙ yr−1 (black dashed line in Figure 2.7; Hosokawa et al. 2012,
2013) and cannot keep the stellar surfaces inflated. According to Sakurai et al. (2015),
if a quiescent period ∆tq, for which the accretion rate is below the critical value, is
longer than the KH timescale at the stellar surface tKH,surf (Equation 1.11), the radiative
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Fig. 2.7: Accretion histories onto the central star with different initial conditions, (a)
filamentary cloud and (b) spherical cloud. The red line represents the raw accretion
rate, and the blue line denotes the time-averaged rate with bin of 1000 years. The black
dashed line indicates the critical rate (4× 10−2 M⊙ yr−1), below which the star begins
to emit ionizing photons due to stellar contraction if the accretion rate is constant.
feedback quenches the accretion because the stellar surface shrinks significantly and
the associated rise of the effective temperature leads to the emission of strong ionizing
radiation. Conversely, if ∆tq < tKH,surf , the radiative feedback is ineffective because the
contracting stellar surface turns to inflating due to the revival of the accretion rate before
the strong ionizing radiation is emitted.
Below we estimate the effect of radiative feedback in our simulated cases, using the
above condition. In the filamentary cloud, the longest quiescent period ∆tq ∼ 2000
yr at t =38 kyr is shorter than the KH timescale tKH,surf ∼ 7000 yr for the stellar
mass of ∼25000 M⊙ at this time (Equation 1.11). Similarly, in the spherical cloud, the
longest quiescent period ∆tq ∼ 800 yr at t =20 kyr is shorter than the KH timescale
tKH,surf ∼ 7500 yr for the stellar mass of ∼28000 M⊙ at this time. There are other
quiescent periods with ∆tq ∼ 700 yr at t = 33, 44, and 46 kyr in the filamentary cloud,
but they are all about one order of magnitude shorter than the KH timescales. Therefore,
in our simulated cases, the quiescent periods never exceed the KH timescales, and thus
we conclude that the radiative feedback by ionizing radiation, although not explicitly
considered in our simulations, does not affect the accretion flows.
In the both runs studied, the largest clump is as massive as the central star. The gas
surrounding that clump, however, is not affected so much by the radiative feedback from
the star formed there because the accretion rate is higher than the critical value: 0.1 for
the filamentary and 0.2 M⊙ yr−1 for the spherical cloud from Figure 2.6.
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Fig. 2.8: Same as Figure 2.1, but for the run with a barotropic relation starting from the
initial condition of the filamentary cloud. The spatial distributions of surface density
(upper) and temperature (lower) are shown.
2.3.3 Comparison with the calculation using a barotropic rela-
tion
In this section, we compare our main run described above with an additional run using
a barotropic temperature-density relation, as in the previous study (Sakurai et al. 2016),
focusing on the case of the filamentary cloud. Figure 2.8 shows the spatial distributions
of the surface density and temperature in the run starting from the same initial condition
of the filamentary cloud but using the barotropic relation instead of solving the energy
equation.
In the upper panels of Figure 2.8, the circumstellar disk is fragmented into a large
number of spiral arms and clumps from an early stage and their number further increases
with time. While the runs with our thermal model and the barotropic relation commonly
show the fragmentation of the disks into spiral arms and clumps, we find two major
differences regarding the properties of the clumps: (1) the number of clumps in the run
with the barotropic relation is larger than in the run with our thermal model, and (2) the
massive clumps found in the run with our thermal model is not found in the run with
the barotropic relation. The dependence of the characteristics of clumps on the adopted
thermal model was also argued in the case of Pop III star formation (Clark et al. 2011).
We attribute these differences mainly to the lack of resolution in the run with the
barotropic relation. The local Jeans length must be resolved by at least four grids in
order to avoid artificial fragmentation (Truelove et al. 1997). In the barotropic run,
however, we find that this condition is not satisfied near clumps. With the barotropic
relation, the local Jeans length at (1016 cm−3, 7000K), where the gas becomes adiabatic,
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Fig. 2.9: The dependence of time evolution of stellar mass on the treatment of thermal
evolution. We show the results from the runs starting from the initial condition of the
filamentary cloud with our thermal model (red) and the barotropic relation (blue).
is







In late stages of the run, clumps are distributed within around 5000 au from the central
star, where the grid size is 80 au. This means the local Jeans length around the clump
location is far below the resolution: the required number of grids for the Truelove et al.
(1997) criterion is more than 250 times that in our calculations. Consequently, artificial
fragmentation of the clumps sometimes takes place.
The temperature distributions in the run with the barotropic relation, as shown in
the lower panels of Figure 2.8, is largely different from those in the run with our thermal
model (Figure 2.1). In the run with our thermal model, the temperature varies by
three orders of magnitude (100-105 K), mainly due to the compressional/shock heating
and the expansion cooling associated with the dynamics of spiral arms and clumps. In
the run with the barotropic relation, however, the gas remains almost isothermal with
∼5000-8000 K because the barotropic relation is calculated without taking into account
the thermal processes associated with the gas dynamics in the disk.
In Figure 2.9, we compare the time evolution of the central stellar masses in the runs
with our thermal model (red) and the barotropic relation (blue). We also provide the
time evolution of the accretion rate in the run with the barotropic relation in Figure 2.10
(see Figure 2.7a for the run with our thermal model). While the stellar masses reach
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Fig. 2.10: Same as Figure 2.7, but for the run starting from the initial condition of the
filamentary cloud with the barotropic relation.
30000 M⊙ around the same time (∼50 kyr) in both runs, the mass growth is smoother
and the time-averaged accretion rate never falls below the critical rate in the run with
the barotropic relation, because smaller but more numerous clumps are formed and
continuously accrete onto the central star. This implies that runs with the barotropic
relation underestimate the length of quiescent periods. Although the quiescent periods
are shorter than the KH timescales in our examined cases, as explained in Section 2.3.2,
the radiative feedback still potentially prevents the accretion in some cases. In such
cases, the use of the barotropic relation may lead to a wrong conclusion on the role of
the radiative feedback. Therefore, realistic treatment of the thermal evolution is crucial
to understand the SMS formation.
2.4 Summary of this chapter and related discussion
We have investigated the time evolution of the disks around growing SMSs by perform-
ing vertically-integrated two-dimensional hydrodynamic simulations starting from two
cosmological initial conditions named filamentary and spherical clouds (Chon et al. 2016).
We have put a particular focus on the time variation of the accretion rate, because it was
known that the ionizing radiation from a protostar can terminates the gas accretion, and
hence the stellar growth, if the quiescent period of the intermittent accretion is longer
than the Kelvin-Helmholtz (KH) timescale at the stellar surface (Sakurai et al. 2015).
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In both the filamentary and spherical clouds, gravitationally unstable circumstellar
disks that are fragmented into spiral arms and clumps provide the central stars with
gas in an intermittent way. The longest quiescent periods are 2000 (filamentary) and
800 (spherical) years and shorter than the KH timescales of 7000 (filamentary) and 7500
years (spherical), respectively, suggesting that protostars can continue to grow until
they become SMSs without affected by the ionizing radiation. By the time the central
star have grown to 30000 M⊙, the largest clump around it reaches 17000 (filamentary)
and 21000 M⊙ (spherical) , respectively. The system may evolve to a binary SMS and
eventually become a binary BH.
Furthermore, we have compared our results with an additional run adopting the same
initial condition but using the barotropic temperature-density relation, as in the previous
work (Sakurai et al. 2016). In this run, the quiescent periods are shorter because smaller
but more numerous clumps are formed and continuously accrete onto the central star.
Thus, we have found that without solving the thermal and chemical evolution, one tends
to underestimate the length of quiescent periods and may come to a wrong conclusion on
the role of the radiative feedback. Moreover, although we have observed the formation of
binary SMSs in both of the runs with our thermal model, only small clumps form in the
run with the barotropic relation. From these reasons, we conclude that the simulations
using the barotropic relation cannot describe the actual formation processes of SMSs.
Chon et al. (2018) studied the SMS formation using three-dimensional simulations with
the same initial conditions as ours. They observed the formation of only 25 (filamentary)
and 13 (spherical) clumps in each cloud, although we have observed the formation of
more than hundred clumps in each cloud. Below, we provide three effects that probably
play some roles in causing this difference. Firstly, our simulations have higher effective
resolution than their smoothed-particle hydrodynamic simulations. In Chon et al. (2018),
they assumed that the gas becomes adiabatic at the density higher than 1013 cm−3 to
save the computational costs, effectively setting the minimum resolution of about 40 au.
As our minimum grid size is 5 au near the inner boundary at 300 au, we can follow the
formation of smaller clumps in the inner region. Secondly, gravitational instability was
suppressed in Chon et al. (2018) by the higher disk temperature than in our simulations.
Since they did not consider the H− free-bound emission, which is the primary cooling
process in the disk, the disk temperature was higher than ours. Finally, dense parts of
spiral arms that are supposed to fragment into clumps are more easily formed in our
simulations, because in two-dimensional simulations, the vertically extended structures
are confined to the disk plane and the density increases associated with the collision of
spiral arms may be overestimated. Recently, Latif et al. (2020) studied the long-term
(∼1 Myr) evolution of forming SMSs using three-dimensional adaptive mesh refinement
simulations. They also found the formation of multiple clumps, but their number is only
ten or less in each run partly because their resolution was much worse than ours with the
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minimum grid size of 2000 au. Regan et al. (2020) also performed the three-dimensional
simulations with similar resolution in Latif et al. (2020) and found more than 20 massive
stars with >1000 M⊙. Unlike in our runs, however, those stars are formed via the
fragmentation of the cloud core rather than via the disk fragmentation.
In each run, a clump reaches a comparable mass with the central star. Its orbital
distance from the central star is 2000 au in the early phase (∼ 5 kyr) and gradually
increases with time, finally reaching 9000 (filamentary) and 4000 au (spherical), respec-
tively. We expect the separation will increase even after that owing to the acquisition of
angular momentum by the gas accretion, as suggested in recent simulations of binary
accretion (Duffell et al. 2020; Muñoz et al. 2020). In fact, long-term simulations in Latif
et al. (2020) demonstrated the formation of binary SMSs with a wide separation (∼pc).
The massive clumps in our runs may also make binary SMSs with their central stars.
If such a binary system survives without merger until the end of the SMS lifetime, the
outcome will be a binary BH system with ≳ 10000 M⊙ (Umeda et al. 2016). The merger
of such binary BHs is particularly important because the gravitational waves from the
merger event will be detectable by next-generation gravitational wave detectors, e.g.,
Deci-hertz Interferometer Gravitational wave Observatory (DECIGO: Kawamura et al.
2011) and Laser Interferometer Space Antenna (LISA: Amaro-Seoane et al. 2012). As
the accretion onto each star and the associated orbital evolution of the binaries still
continue at the end of our simulations, it is necessary to carry out long-time simulations
to address the properties of the binary BHs.
Our numerical results depend somewhat on the resolution because we cut off the
cooling at high-density regions using Equations (2.27) and (2.28). In order to examine
the effect of the resolution, we have carried out the additional runs with 256×256 and
768×768 grids (while with 512×512 grids in our runs so far) until 10 kyr after the
disk formation. We found that the number of small fragments increases toward higher
resolution, while a binary star system emerges at the center in the both runs. The
quiescent period is at most ∼100 yr in both runs and always shorter than the KH
timescale. The length of quiescent period does not change with the resolution because
the number of small fragments does not change so much the quiescent period as we
mentioned in Section 2.3.3.
Among the effects not considered in this work, the increase of stellar spin due to
the accumulation of the angular momentum of accreted gas may play a role in ceasing
the stellar growth. To maintain the accretion, the sum of the radiative and centrifugal
forces must be smaller than the gravity on the stellar surface, which is known as the ΩΓ
limit (see, e.g., Maeder & Meynet 2000, Lee & Yoon 2016, Takahashi & Omukai 2017;
Haemmerlé et al. 2018). We need to investigate the angular momentum transport at the
interface of disks and stellar surfaces, to follow the stellar spin evolution and understand
the role of the ΩΓ limit in the SMS formation.
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Although our simulations have followed the formation process of SMSs for ∼30-50
kyr, longer-time (∼Myr) simulations are needed to decide the fate of growing SMSs.
Moreover, three-dimensional simulations are needed to consider vertical gas dynamics
missed in our simulations. In future studies, we will come back to high resolution






Although we usually suppose that SMS formation fails in metal-enriched gas clouds
because the metal enrichment promotes the cloud fragmentation, Chon & Omukai (2020)
have provided a new possibility for the SMS formation in a slightly metal-enriched cloud
as mentioned in Section 1.8.2. In the clouds with ≤ 10−6 Z⊙, the SMS formation proceeds
in the same way as in the primordial gas cloud. In the clouds with the metallicity of
5×10−6 to 10−4 Z⊙, the dust cooling causes the cloud fragmentation, and a few thousand
low-mass stars are formed. Majority of them, however, either merge with a star located
at the cloud center or are ejected from the cloud. Therefore, accretion flows preferentially
fall onto the central star, and its rate is high enough to form an SMS.
Time fluctuation of the accretion rate is important also in the SMS formation in low-
metallicity environments. Since the dust cooling induces not only the cloud fragmentation
but also fragmentation of a circumstellar disk (Tanaka & Omukai 2014), time fluctuation
of the accretion rate onto the central star can be more violent than that in the case of
the primordial gas cloud. Therefore, we need to study properties of circumstellar disks
in the SMS formation in low-metallicity environments in order to examine whether the
central star can grow to an SMS without hindrance due to the radiative feedback.
The properties of metal-poor circumstellar disks, however, are still not well understood
not only in the case of the SMS formation but also of the low-mass star formation.
Machida & Nakamura (2015) and Chiaki & Yoshida (2020) have studied the metal-
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poor disk evolution by performing hydrodynamic simulations, but the duration of their
simulations is too short (∼100 yr after the protostar formation) to discuss how the
accreting history affects the stellar evolution. In order to investigate SMS formation in
low-metallicity environments in the future, we first need to examine the relation between
the disk and stellar evolution in the case of low-mass star formation, for which previous
studies exist for the solar metallicity cases. A knowledge from this examination will help
us understand phenomena in the disk in the case of metal-enriched SMS formation, such
as the disk fragmentation, thermal processes, and time fluctuation of accretion rate. In
this chapter, we carry out two-dimensional hydrodynamic simulations of low-mass star
formation to observe the disk evolution for longer term than in the previous studies and
to evaluate the effect of thermal processes on the disk evolution in each metallicity range.
We also discuss the stellar growth based on the obtained accretion history. Finally, we
infer the possible changes in the picture of SMS formation in low-metallicity environments
when we apply our results to SMS formation. In Section 3.2, we describe our simulation
model and the initial conditions. We then present the time evolution of the disk and
envelope structures, as well as the impact of clump formation on protostar evolution, in
Section 3.3. Summary and discussion are given in Section 3.4.
3.2 Method
In this chapter, we study metallicity dependence of the gravitational instability of the
circumstellar disk. We carry out the vertically integrated two-dimensional hydrodynamic
simulations of protostellar disk evolution for different metallicities. The hydrodynamic
method is the same as described in Section 2.2.1. We use polar-coordinate (r, ϕ) grids
with 512×512 spatial zones. The size of the computational domain is different with
metallicities and is explained in Section 3.2.3. We introduce the sink cell with the size
of 5 au at the center. The basic equations, i.e. equation of continuity, equation of
motion, and energy equation, are Equations (2.1), (2.2), and (2.3), respectively. The gas
pressure is related with the internal energy with the equation of state of the ideal gas
(Equation 2.4). We use the gravitational potential including the self-gravity of the disk
(Equation 2.7) when we calculate the gravity in the equation of motion. In order to take
into account the angular momentum transport by turbulence, we apply the α-viscosity
prescription (Shakura & Sunyaev 1973) and set α=10−4.
3.2.1 Thermal model
The thermal and chemical models described in Sections 2.2.2 and 2.2.3 are designed to
reproduce the SMS formation. In this section, we construct the modified models for
following the thermal evolution with various metallicities from the solar to primordial
values. The net cooling per unit volume described in Equation (2.11) is rewritten as the
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following expression
Λnet = Λcont + ΛH2 + ΛHD + Λmetal + Λchem , (3.1)
where Λcont is the gas and dust continuum cooling rate, ΛH2 the H2-line cooling rate,
ΛHD the HD-line cooling rate, Λmetal the metal line cooling rate, and Λchem the chemical
cooling rate.
The net rate of continuum cooling is
Λcont = 4π (η − ξaJ) , (3.2)
where η is the emission coefficient, ξa is the absorption coefficient, and J is the mean












where σSB is the Stefan-Boltzmann constant, ρ is the mass density related to the surface
density as shown in Equation (2.5), κP,g is the Planck mean opacity of gas, κP,d is the
Planck mean opacity of dust, Tg is the gas temperature, and Td is the dust temperature.
We calculate the Planck mean opacities using the tables from Mayer & Duschl (2005) for
the gas and Semenov et al. (2003) for the dust. The absorption coefficient is written as
ξa = (κP,g(Tg) + κP,d(Td)) ρ . (3.4)




(B(Tirr) + xS) , (3.5)
where B(T ) is the Planck function, Tirr is the irradiation temperature, S is the source
function, and x is a function that smoothly connects the optically thin and thick limits,
written as (Tanaka & Omukai 2014)




with the Planck and Rosseland mean optical depths τP and τR, respectively. Those





κP(or R),g(Tg) + κP(or R),d(Td)
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Σ , (3.7)
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The Rosseland mean opacities of gas κR,g and dust κR,d are obtained from the same




T 4 , (3.8)
where T is the temperature of irradiation or dust (see Equation 3.10). The source





In order to get the dust temperature, we consider the energy balance on dust grains
due to the thermal emission, absorption, and gas-dust collision (Omukai et al. 2010):
κP,d(Td)B(Td) = κP,dJ + Γcoll , (3.10)
where Γcoll is the dust heating rate by collisions with gas particles and its rate is
(Hollenbach & McKee 1979)





(Tg − Td) , (3.11)
where (f/ρ)dust is total volume of the dust per unit gas mass taken from Pollack et al.
(1994) and nH is the number density of hydrogen nuclei, given by Equation (2.19).
The H2 line cooling rate is given by using Equation (2.12). The HD-line cooling rate
is calculated in the similar way as the H2-line cooling rate. We multiply the cooling rate
in the optically thin regime ΛHD,thin (Flower et al. 2000) by the line-averaged escape
probability β̄esc,HD (Vorobyov et al. 2020b):
ΛHD = β̄esc,HDΛHD,thine
−τ , (3.12)
where τ is the effective optical depth for continuum radiation which is given by Equa-
tion (2.13).
In this thesis, the metal line cooling is due to the atomic fine-structure line emission
of CII and OI, and its rate Λmetal is given by summing the two contributions:
Λmetal = ΛCII + ΛOI . (3.13)
In order to calculate the line cooling rate of CII and OI, we model CII as a two level
system and OI as a three level system and calculate the level populations from the
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where the chemical fractions of CII and OI are yCII = 9.27×10−5 and yOI = 3.568×10−4,
Z is the metallicity relative to the solar one, hνul is the energy difference between the
upper level u and lower level l, βesc,ul the escape probability of the line photon from the
upper to the lower levels, Aul the spontaneous radiative decay rate, fu the occupancy of
the upper level, S(νul) the source function, and Bνul(Tirr) the Planck function. We take
Z ranging from 0 (no metal) to 1 Z⊙ (solar metal). The level energy and the spontaneous






















where gu,l is the statistical weight taken from Hollenbach & McKee (1989), NCII is the
column density of CII (OI), and vth is the thermal velocity. The column density is
NCII(OI) = 2HgnHyCII(OI) . (3.17)






where kB is the Boltzmann constant, µ is the mean molecular weight, and mH is the
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The chemical cooling/heating processes include H ionization/recombination and
H2 dissociation/formation. Although we also include H− detachment/attachment in
Section 2.2.2, we do not take into account the cooling/heating associated with H−
reactions. The cooling/heating rate associated with H− reactions are negligible because
the chemical fraction of H− is always smaller than those of other species. In this section,











When we calculate the irradiation temperature Tirr, we use Equation (2.24). In the
simulation of the SMS formation, we compute the stellar luminosity L∗ by using the
analytical expression in Hosokawa et al. (2012). In this study, we need to consider the
stellar evolution to match the value of metallicity. The stellar luminosity L∗ is the sum of
the accretion and stellar photospheric luminosities. The stellar photospheric luminosity
is calculated by using tabulated stellar evolution tracks (Fukushima et al. 2020). The
stellar luminosity and radius are provided from the tracks as functions of the stellar
mass and accretion rate. Fukushima et al. (2020) have utilized the tracks in the case
of the metallicities Z = 0, 10−3, and 10−2 Z⊙. The tracks in other metallicity cases are
obtained through the private communication with Hajime Fukushima.
3.2.2 Chemical reactions
In order to follow the chemical evolution of various metallicity gas, we solve the chemical
network of eight species, H, H2, H+, H−, D, HD, D+, and e−, and 27 reactions. Our
chemical network is selected by reference to our SMS formation calculation and the
minimum model of Omukai et al. (2005). The solved chemical reactions are all the
reactions in Table B.1 except 21 and 22. We compute the non-equilibrium rate equations
for H, H2, H+, D, HD, D+, and e−, while H− is calculated from the equilibrium of all
related reactions. In the same way as SMS formation, we further solve the continuity
equation for each species assuming the collisional coupling with the gas. We also assume
that the deuterium fraction is yD = 3× 10−5 and All the helium is always neutral and
its fractional abundance is yHe = 8.333× 10−2.
3.2.3 Initial conditions
In this study, we start the simulations from the prestellar core stage. The gas cloud is
gravitationally unstable and collapses from the onset of the simulation. The collapsing
gas directly falls into the sink cell at first. The centrifugal radius of the infalling gas
eventually exceeds the sink cell radius, and then the circumstellar disk is formed. We
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Table 3.1: Initial temperature and chemical abundances of the simulated clouds in the
low-mass star formation
Z T0 y(H2) y(H
+), y(e−) y(D) y(HD) y(D+)
(Z⊙) (K)
1 3 0.50 2.5× 10−8 3.4× 10−7 3.0× 10−5 5.6× 10−20
10−1 32 0.46 7.2× 10−8 1.7× 10−11 3.0× 10−5 1.3× 10−18
10−2 43 0.11 7.3× 10−8 2.5× 10−6 2.8× 10−5 7.4× 10−14
10−3 39 1.4× 10−2 8.5× 10−8 1.6× 10−5 1.4× 10−5 4.7× 10−13
10−4 72 2.3× 10−3 1.7× 10−7 2.4× 10−5 5.8× 10−6 2.3× 10−12
10−5 274 8.0× 10−4 2.8× 10−7 3.0× 10−5 1.2× 10−7 7.0× 10−12
10−6 308 6.4× 10−4 2.9× 10−7 3.0× 10−5 6.2× 10−8 7.4× 10−12
0 311 6.2× 10−4 2.9× 10−7 3.0× 10−5 5.8× 10−8 7.5× 10−12
Note.—The parameters from left to right correspond to the metallicity, temperature,
and chemical fractions of H2, H+, e−, D, HD, and D+.
continue the simulations for 15 kyr after the disk formation. We focus on whether disk
fragmentation occurs and, if so, what process induces fragmentation.
We use the initial prestellar core model described in Vorobyov et al. (2020a). The













where Σ0 is the gas surface density at the center of the core, Ω0 the angular velocity
at the center of the core, and r0 the radius of the central plateau. Such radial profile
is typical of prestellar cores formed as a result of the slow expulsion of magnetic fields
due to ambipolar diffusion, with the angular momentum remaining constant during
axially-symmetric core compression (Basu 1997). The radius of the central plateau
is proportional to the Jeans length and given by r0 = Acs,0/
√
πGρ0, where A is the
amplitude of the density perturbation which sets off the gravitational collapse, cs,0 the
initial sound speed that is a function of the initial temperature Tg,0, and ρ0 the initial
gas density. We set A =
√
1.2 in all the runs.
We consider seven models with different metallicities. To determine the initial gas
temperature and the chemical fractions, we calculate the time evolution of the central
density, temperature, and chemical fractions of the collapsing cloud core with the one-
zone treatment as described in Omukai et al. (2005) until the central density reaches
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Table 3.2: Initial properties of the simulated clouds in the low-mass star formation
Z Σ0 Ω0 r0 rout Mtot
(Z⊙) (g cm−2) (km s−1 pc−1) (pc) (pc) (M⊙)
1 0.012 1.6 0.018 0.11 0.58
10−1 0.040 5.2 0.058 0.35 20
10−2 0.057 7.5 0.083 0.50 60
10−3 0.058 7.5 0.083 0.50 61
10−4 0.079 10 0.11 0.68 155
10−5 0.15 20 0.22 1.3 1152
10−6 0.16 21 0.24 1.4 1373
0 0.16 21 0.24 1.4 1401
Note.—The parameters from left to right correspond to the metallicity, surface density,
angular velocity, core radius, the outer radius of computational domain, and total mass.
the initial value of 105 cm−3. The values obtained by above calculation are shown in
Table 3.1.
The initial gas density is related to the number density by Equation (2.19). We can
get the radius of the central plateau and the gas surface density at the center of the core
and then obtain the radial profile of the surface density. The angular velocity is set such
that the ratio of rotating and gravitational energies is 1% in each model and their values
are summarized in Table 3.2. Note that the initial cloud masses are typical values for
each metallicity, thus each model has a different cloud mass.
3.3 Result
3.3.1 Disk and envelope structures
Figure 3.1 shows the spatial distribution in the models with metallicities, Z = 1 Z⊙
(left), 10−1 Z⊙ (middle), and 10−2 Z⊙ (right). The spatial distributions of the surface
density for the models with other metallicities are also shown in Figure 3.2 (Z = 10−3,
10−4, and 10−5 Z⊙) and Figure 3.3 (Z = 10−6 and 0 Z⊙).
Circumstellar disks are gravitationally unstable in all the models except in the model
with the metallicity of 1 Z⊙. We can see spiral arms and clumps in the spatial distributions
of the surface density in those models. In the model with Z = 1 Z⊙, the surface density
structure is smoother compared to the other models, and the disk fragmentation does not
occur. The disk has clear two-armed spirals (m=2) at 6 kyr in the model with Z = 10−1
Z⊙. Clumps are formed along the spiral arms as seen at 15 kyr. In the lower metallicity
models, the disk fragmentation becomes violent. In these models (≤ 10−2 Z⊙), more
than 20 clumps are formed (see also Section 3.3.2). Such violent disk fragmentation is
caused by the disk mass growth. The accretion rate depends on the temperature as
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Fig. 3.1: The time evolution of the disks in models with three different metallicities,
Z = 1 Z⊙ (left), 10−1 Z⊙ (middle), and 10−2 Z⊙ (right). Each row corresponds to the
spatial distribution of the surface density at 3, 6, 10, 15 kyr after the disk formation.
The central stellar mass at each model and time is shown in the bottom left corner.
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Fig. 3.2: Same as Figure 3.1, but for the models with the metallicities, Z = 10−3 Z⊙
(left), 10−4 Z⊙ (middle), and 10−5 Z⊙ (right).
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Fig. 3.3: Same as Figure 3.1, but for the models with the metallicities, Z = 10−6 Z⊙
(left) and 0 Z⊙ (right).
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Fig. 3.4: Radial profiles of the azimuthally-averaged (a) surface density, (b) gas tempera-
ture, (c) radial velocity, and (d) rotation velocity in the model with Z = 1 Z⊙. The colors
indicate the times after the disk formation, 0 kyr (red), 3 kyr (orange), 6 kyr (green), 10
kyr (blue), and 15 kyr (purple). The gray dashed line represents the Keplerian velocity
with the central stellar mass at 15 kyr.
∝ T 3/2. In the model with Z = 1 Z⊙, the temperature in the envelope is always less than
that in the disk because the dust cooling becomes effective from a low density (∼ 104
cm−3). As a result, the disk can accrete a similar amount of gas to the central star as
it receives from the envelope, and the disk mass is roughly unchanged. On the other
hand, in lower-metallicity models with Z ≤ 10−1 Z⊙, the temperature in the disk is less
or nearly the same as that in the envelope because the dust cooling becomes effective at
higher density than in the model with Z = 1 Z⊙ or remains inefficient. In this case, the
accretion rate from the envelope to the disk is larger or slightly larger than that from
the disk to the star. As a result, the disk increases in mass and eventually fragments by
the gravitational instability.
In the following, we show detailed analyses of the disk and envelope structures for
better understanding of the disk evolution. Here, we present the results in the three
models with Z = 1, 10−4, and 0 Z⊙. The model with Z = 1 Z⊙ is the only example in
which the disk is stable and therefore used for comparison with other models. We show
the results of the models with Z = 10−4 Z⊙ as an example of low-metallicity cases and
Z = 0 Z⊙ as an example of extremely low-metallicity cases.
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Fig. 3.5: Same as Figure 3.4, but for the model with the metallicity Z = 10−4 Z⊙.
The radial profiles of the azimuthally-averaged (a) surface density, (b) gas temperature,
(c) radial velocity, and (d) rotation velocity in the models with the metallicities, 1, 10−4,
and 0 Z⊙ are shown in Figures 3.4, 3.5, and 3.6.
In the model with Z = 1 Z⊙, the surface density and the temperature suddenly
increase at ∼50...100 au (Figure 3.4 a and b). In Figure 3.4 (c) and (d), the infall velocity
at those radii is almost zero, and the radial dependence of the rotating velocity becomes
close to that of the Keplerian velocity. Those facts mean that the radius where both
the surface density and the temperature increase corresponds to the outer edge of the
accretion disk. The outer edge gradually moves outward from 3 kyr (orange line) to 15
kyr (purple line) because the angular momentum of the accreting flow from the envelope
to the disk increases with time.
In the model with Z = 10−4 Z⊙, the surface density fluctuates because a large number
of clumps are formed (Figure 3.5 a). The disk radius at 15 kyr is ∼ 1000 au, where the
rotation velocity becomes nearly the Keplerian value (Figure 3.5 d). The radius where
the surface density fluctuation starts is also the same. The radial velocity occasionally
becomes positive inside the disk radius (Figure 3.5 c). This is because some clumps move
to the outskirt of the disk due to the interaction between the clumps.
In the model with Z = 10−4 Z⊙, the envelope temperature rapidly rises from ∼50
to 200 K at ∼3000 au and then increases gradually inward until ∼300 au (Figure 3.5
b). To understand this temperature rise, we plot the mass distribution on the density-
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Fig. 3.6: Same as Figure 3.4, but for the model with the metallicity Z = 0 Z⊙.
temperature phase diagram in Figure 3.7. The temperature increases at 106 cm−3 and
reaches a peak at 108 cm−3 (Figure 3.7 b). The temperature rise is caused by the heating
associated with H2 formation reaction. The same phenomenon occurs in the model with
Z = 10−3 Z⊙. A large amount of mass is distributed at 106 to 108 cm−3 where the
temperature rises in Figure 3.7 (b). From Figure 3.5 (a) and (c), the surface density
increase coincides with that of the temperature, and the infall velocity becomes close
to zero. Those facts imply that the accretion flow is halted temporarily by the steep
temperature and associated pressure rises.
A sharp peak in density and temperature is seen at 10 and 15 kyr in the model with
Z = 0 Z⊙ (Figure 3.6). The surface density is very small in the vicinity of the peak
(Σ ∼ 1 g cm−2), and the gas cavity is formed around the central star. We find a similar
peak in the surface density profile in the model with Z = 10−6 Z⊙. The density peak in
each model corresponds to the location of a massive clump. The massive clump grows
to a mass comparable to the central star. We will mention the possibility of binary
formation in Section 3.3.2.
Figure 3.8 shows the accretion rate onto the central star in all the models. The
time variation in the model with Z = 1 Z⊙ is less than that in the other models, and
the accretion rate is always ∼ 10−6 M⊙ yr−1. The accretion rate in other models has
time variation with more than two orders of magnitude. In the models with Z = 10−3
and 10−4 Z⊙, the accretion rate is ∼ 10−3 M⊙ yr−1 soon after the disk formation and
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Fig. 3.7: Gas mass distribution on the density-temperature phase diagram for models
with three different metallicities, (a) Z = 1 Z⊙, (b) 10−4 Z⊙, and (c) 0 Z⊙, at 15 kyr
after the disk formation. The color indicates the mass in each density-temperature bin
with the widths of ∆ log nH = 0.1 and ∆ log Tg = 0.019.
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Fig. 3.8: Accretion histories onto the central star in all the models.
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decreases to ∼ 10−6 M⊙ yr−1 after 5 kyr. This is because the accretion flow is halted
temporarily by the temperature rise due to the H2 formation heating. From Figure 3.7
(b), there is a temperature peak at 108 cm−3.
The timescale for the accretion flow to pass through the temperature peak is given










which is in fact the timescale of the accretion rate to decrease a factor of ∼1000.
The accretion rates in the models with Z = 10−6 and 0 Z⊙ also decrease by two
orders of magnitude at 10 kyr and 7 kyr, respectively. The decrease in the accretion rate
is caused by binary formation. The infalling gas encounters the largest clump rather
than the star because the star stays always at the cloud center while the clump rotates
around it. As a result, the infalling gas preferentially accretes onto the largest clump.
Although this is a result of our numerical method, this is expected to happen realistically
because the central stellar mass is always higher than the clumps during the calculation.
In order to follow further binary evolution, however, we need to take into account the
central stellar motion.
3.3.2 Clump properties
In this section, we explain the properties of the clumps formed by the disk fragmentation.
Figure 3.9 shows the time evolution of the number of clumps in all the models. We
identify a clump by the following manner. We firstly find the grid where the density is
the local maximum. We then consider the grids where the density is greater than 103.2 g
cm−2 and which are adjacent to each other as a single clump. No clump is formed in
the model with Z = 1 Z⊙ as mentioned in Section 3.3.1. Although the fragmentation
occurs in the model with Z = 10−1 Z⊙, the clump formation is modest, and the number
of clumps is less than that in other models. In the model with Z = 10−3 and 10−4 Z⊙, a
large number of clumps are formed in the first few kyr after the disk formation, and then
the number of clumps decreases to less than 10 after 5 kyr. After another 5 kyr (10 kyr
after the disk formation), the number of clumps increases again. That cycle corresponds
to increase or decrease in the accretion rate. In extremely low-metallicity models (10−6
and 0 Z⊙), the number of clumps suddenly decreases at 10 kyr (10−6 Z⊙) and 7 kyr (0
Z⊙), respectively. This sudden decrease of the clump number is owing to the formation
of a cavity around the central star.
Figure 3.10 shows the mass distributions of the clumps at the end of calculation for
all the models. The clump mass tends to be larger in the models with lower metallicity
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Fig. 3.9: Time evolution of the number of clumps in all the models.
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Fig. 3.10: Mass distributions of the clumps at 15 kyr in all the models. The black dashed
line indicates the central stellar mass at 15 kyr.
70 | Protostellar-disk fragmentation in low-metallicity environments
Fig. 3.11: Spatial distribution of surface density in the models with the metallicities,
Z = 10−6 and 0 Z⊙. The panels zoom in on the center of the bottom panels in Figure 3.3.
The orange circle is the sink cell.
because the cloud mass is also larger. The typical mass of the clumps is one to two
orders of magnitude less than the their central star. In the models with Z ≤ 10−1 Z⊙, we
observe low-mass (< 1 M⊙ ) clumps at the end of the calculation. Some of them would
be ejected from the circumstellar disk as a result of the gravitational interaction with
the central star or other clumps. If so, those objects would remain as planets, brown
dwarfs, or low-mass stars until presentday.
Finally we focus on the clump with the largest mass in each model. In the models
with Z ≥ 10−5 Z⊙, the mass ratio between the central star and the largest clump is less
than 0.2. On the other hand, the mass of the largest clump becomes almost equal in the
extremely low metallicity models. The masses of the largest clump are 32 M⊙ (10−6 Z⊙)
and 25 M⊙ (0 Z⊙), and the mass ratios are 0.8 (10−6 Z⊙) and 0.9 (0 Z⊙), respectively.
Moreover, the separations between the central star and the largest clump are 84 au (10−6
Z⊙) and 40 au (0 Z⊙). In both models, the separation is almost unchanged from 10
kyr to 15 kyr after the disk formation. Figure 3.11 shows the spatial distribution of
the surface density near the center in the models with Z = 10−6 and 0 Z⊙. There is a
cavity around the central star as seen in the radial profile (Figure 3.6). The gas from
the outside flows toward the largest clump. A bridge-like structure between the central
star and the largest clump is seen, and the accretion flow onto the central star is limited.
As a result, the accretion rate onto the central star decreases.
3.4 Summary of this chapter and related discussion
In this study, we have investigated the time evolution of the disks around the growing
protostars by performing vertically-integrated two-dimensional hydrodynamic simulations
in a wide metallicity range with particular emphasis on the impact of gas metallicity on
the gravitational instability
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At Z ≃ 1 Z⊙, the disk is gravitationally stable and does not fragment. In this
case, the accretion rate to the central star is nearly constant at ∼ 10−6 M⊙ yr−1. At
lower metallicities Z ≲ 10−1 Z⊙, on the other hand, the disk is unstable and suffers
fragmentation. Due to the infall of clumps, the accretion is intermittent with its rate
violently fluctuating from ∼ 10−8 to 10−2 M⊙ yr−1. Whether the disk fragments or
not is caused by differences in thermal evolution. The accretion rate depends on the
temperature as ∝ T 3/2. In the case of Z ≃ 1 Z⊙, the temperature in the envelope is
always lower than that in the disk because the dust cooling becomes effective from a
low density (∼ 104 cm−3). As a result, the disk accretes a similar amount of gas to the
central star as it receives from the envelope. In this case, the disk mass remains roughly
constant. In lower metallicity cases (10−4 Z⊙ ≲ Z ≲ 10−1 Z⊙), the disk temperature is
less than the envelope temperature because the dust cooling becomes effective at higher
density than in the case of Z ≃ 1 Z⊙, which can be realized only in the disk. As a result,
the accretion rate from the disk to the central star is lower than that from the envelope
to the disk, and the disk mass increases with time. As a consequence of the mass growth,
the disk becomes unstable. In extremely low-metallicity cases (Z ≲ 10−5 Z⊙), since the
temperature in the disk is as high as that in the envelope due to inefficient dust cooling,
the accretion rate to the disk and to the star is both high (∼ 10−2 M⊙ yr−1), but the
former is higher. As a result, the disk grows in mass and becomes unstable.
We have also found characteristic behavior of accretion histories in the following two
metallicity ranges. One is a periodic variation in accretion rate at 10−4 ... 10−3 Z⊙.
In this range, the temperature suddenly rises by the H2 formation heating at ∼3000
au. Due to the accompanying pressure increase, the accretion is temporarily suppressed
and its rate decreases from ∼ 10−3 M⊙ yr−1 to ∼ 10−6 M⊙ yr−1. The accumulated
flow begins falling to the center again and the accretion rate returns to 10−3 M⊙ yr−1
after about 5000 yr, the free-fall time at the density of 108 cm−3 where the temperature
temporarily peaks. The other is a quick drop in the accretion rate from ∼10−3 M⊙
yr−1 to ∼10−5 M⊙ yr−1 at ≳ 5 kyr after the disk formation in the case of extremely
low metallicities Z ≲ 10−6 Z⊙. In this range, one clump grows to a mass comparable to
the central star, and an equal-mass binary system is formed. During its formation, the
surrounding gas preferentially accretes onto the clump rather than the central star. As a
result, the accretion rate to the central star decreases.
Recently, Chon & Omukai (2020) found that the formation of SMSs is possible not
only in the primordial gas but also in environments with ≲ 10−4 Z⊙ as mentioned in
Section 1.8.2. If the gas metallicity is less than this critical value, a high enough accretion
rate required for the SMS formation is realized by the so-called super competitive
accretion. Judging from the results of our simulation, however, there might be another
obstacle for the SMS formation in the case with metallicity ∼ 10−4 Z⊙. In this case,
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Fig. 3.12: Evolution of the disk-to-star mass ratio at extremely low-metallicity cases.
The colors represent three different metallicities, 10−5 Z⊙ (red), 10−6 Z⊙ (orange), and
0 Z⊙ (blue). The dashed line shows the evolution in the one-dimensional steady disk
model by Tanaka & Omukai (2014)
the accretion rate onto the protostar decreases for around 5000 years because the
accretion flow is impeded by the H2 formation heating. Since the stellar KH timescale
(Equation 1.11) is less than this quiescence time of accretion, the central star may reach
the main sequence phase, and the radiative feedback may turn on thereby terminating
the accretion. On the other hand, since the expected temperature increase is more subtle
in the case of SMS formation than in our calculation, this effect could be much weaker.
In addition, Chon & Omukai (2020) assumed that the thermal evolution follows the
barotropic equation of state derived from a one-zone model of the protostellar collapse.
As shown in Section 1.8.2, the barotropic relation does not accurately reproduce the
thermal evolution in the disk, and gives different results regarding the disk stability
from that of solving the energy equation. In order to examine whether this accretion
suppression occurs, we need to perform hydrodynamic simulations with detailed thermal
processes.
Tanaka & Omukai (2014) also investigated the disk stability at various metallicities
using a one-dimensional steady accretion disk model. They found that at 10−5 Z⊙ ≲
Z ≲ 10−3 Z⊙, the temperature in the disk is less than that in the envelope by the dust
cooling, and this temperature difference results in a strongly unstable disk. At higher
(Z ≳ 10−2 Z⊙) and lower metallicities (Z ≲ 10−6 Z⊙), since the temperature in the
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disk is similar to that in the envelope, the disk is regulated to a marginally stable state.
Although the metallicity range is slightly higher (10−4 Z⊙ ≲ Z ≲ 10−1 Z⊙) than that in
Tanaka & Omukai (2014), we have also found that the disks are unstable because of
the temperature difference between the disk and envelope due to the dust cooling. On
the other hand, unlike Tanaka & Omukai (2014), the unstable disk is also observed in
extremely low-metallicity cases (Z ≲ 10−5 Z⊙), where the dust cooling is inefficient. This
discrepancy is due to the fact that the amount of gas accreted from the disk to the star is
larger than that from the envelope to the disk (see also Kimura et al. 2020). Figure 3.12
shows the evolution of the disk-to-star mass ratio in extremely low-metallicity cases.
Since Tanaka & Omukai (2014) assumed that the accretion rate is the same for the disk
and envelope, the mass ratio is nearly constant in time at ∼0.2. On the other hand, in
our calculation, the mass ratio is ∼0.1 when the stellar mass is ∼2.5 M⊙ , but it increases
rapidly to ∼0.6 at the stellar mass of ∼4 M⊙ . This means that the accretion rate from
the disk to the star is less than that from the envelope to the disk. As the mass ratio
approaches about unity, the disk becomes unstable and fragments.
In this study, we calculated only one case of the initial rotation of the cloud with the
energy ratio between the rotation and gravity of 1%. We need to calculate the cases with
other values because the gravitational instability of disks depends on the energy ratio
as shown in the solar metallicity case by hydrodynamic simulations (e.g., Tsukamoto &
Machida 2011;Vorobyov 2013). In the case of larger rotational energy, the circumstellar
disk tends to be more massive because the accreting gas from the envelope to the disk
has a larger angular momentum. Therefore, the disk fragmentation in simulations with
larger rotational energy can be more violent than in our cases. In the SMS formation,
Latif et al. (2020) and Patrick et al. (2020) have studied the relation between the disk









where Lhalo is the halo angular momentum, Ehalo the total halo energy (kinetic plus
gravitational), and Mhalo the total halo mass. Note that the spin parameter represents
the rotation strength of haloes, rather than gas clouds. The results of Latif et al. (2020)
have shown that the disk fragmentation becomes frequent with larger spin parameter,
whereas the disk stability does not depend on the spin parameter in Patrick et al. (2020).
The discrepancy among their results indicates that the rotation strength of gas clouds
is important for the disk stability because the baryonic gas becomes gravitationally
decoupled from the dark matter in haloes. Therefore, we need to perform simulations
with some rotation parameters also in the SMS formation.
Moe et al. (2019) have shown that the binary fraction has anti-correlation with
the metallicity by correcting observational biases in surveys of close (<10 au) binaries
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Fig. 3.13: The number of the clumps as a function of the metallicity after 15 kyr from the
disk formation. The red and blue lines represent the number of clumps located within
20 au and 40 au, respectively.
of solar-type stars. Although the binary fraction is ∼20 % at the solar metallicity, it
increases to ∼60 % at Z = 10−3 Z⊙. Figure 3.13 shows the number of clumps located
near the central star as a function of the metallicity at the end of our simulations. In the
metallicity range of 10−3 ... 1 Z⊙, the number of the clumps increases with decreasing
metallicity. This fact suggests that a multiple-stellar system is more likely to form by
the disk fragmentation in the low-metallicity environments. In order to confirm this
speculation, we need to perform long-term simulations until the central star reaches a
main-sequence star to examine whether the clumps survive without either the merger
with their central star or the ejection from the stellar system.
The Pop III-star binary formation has been observed also in Sugimura et al. (2020),
who performed a three-dimensional hydrodynamic simulation. Remnant BHs of Pop
III stars are promising candidates as the origin of binary BH mergers detected by
gravitational wave detectors, LIGO and Virgo (Kinugawa et al. 2014). In this study,
the masses of the central star and the largest clump are both ∼30 M⊙ at Z ≲ 10−6
Z⊙. If they reach the main-sequence stars with the similar masses, they leave BHs with
the mass of >10 M⊙ (Heger & Woosley 2002). In order for a BH binary to coalesce
within the cosmic time by gravitational wave emission, the binary separation need to
be sub-au. Since the binary separation is ≳40 au in our result, it has to shrink by
interactions between the binary stars or with a third object to merger within the cosmic
age. Additionally, other mechanisms, such as interactions with their circumstellar disk
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(Chon & Hosokawa 2019) and angular momentum extraction by magnetic fields, can also
promote the shrinking of the binary separation.
In order to prevent artificial fragmentation, we cut off the cooling in high-density
regions. In this case, numerical results depends on the spatial resolution. Previous
studies showed that the disk fragmentation occurs more readily in simulations with
higher resolution (e.g., Machida & Doi 2013; Hosokawa et al. 2016). In order to examine
the effect of the cooling cutoff on disk stability and intermittency of accretion, we have
performed the additional calculation with 256 × 256 grids, while with 512 × 512 grids
in our calculation. We found that the metallicity range where disks are gravitationally
unstable and fragment is the same (Z ≲ 10−1 Z⊙) for the low-resolution case (256 × 256
grids) as in our results. In this metallicity range, the accretion becomes intermittent
also in the low-resolution case. Based on the results of the higher-resolution (768 ×
768 grids) run in Chapter 2 (while we have not carried out it for the calculation in this
chapter), we conjecture that the number of small-mass clumps increases in runs with





Black holes (BHs) formed from supermassive stars (SMSs) with mass of ∼ 105 M⊙ are
promising candidates as an origin of supermassive BHs observed in the high-redshift
universe (z ≳ 6). The SMSs are supposed to form as a result of rapid gas accretion to
the embryonic protostars. However, the accreting flow may be terminated by strong
ionizing radiation from the protostar if the accretion becomes intermittent due to the
circumstellar disk fragmentation and its quiescent period is longer than the Kelvin-
Helmholtz (KH) contraction timescale of the protostar. In this case, the stellar growth
stops before reaching the SMS mass range, and an SMS fails to be formed. In this thesis,
we have investigated the possibility of the SMS formation with a special emphasis on
the time variation of accretion to the protostar. Our two-dimensional hydrodynamic
simulations reveal that the circumstellar disk fragments just after its formation, and the
accretion onto the protostar becomes intermittent. Based on the numerical results, we
have compared the quiescent period with the KH timescale, and found that the quiescent
period is always shorter. Therefore, the protostar can grow in mass to 3 × 104 M⊙
without affected by the intermittent accretion. Since the accretion rate is still high at the
end of the calculation, we have concluded that the protostar continues to grow and the
SMS can form. Our calculations also reveal that the mass of the largest clump increases
to a mass similar to the central star, suggesting the formation of a SMS binary.
Although only primordial clouds are thought to be suitable sites for the SMS formation
in the conventional picture, Chon & Omukai (2020) recently proposed that the SMS
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formation is possible also in slightly metal-enriched gas clouds. Since the intermittent
accretion may prevent the protostar growth also in this case, we need to study the
disk evolution and the intermittency of accretion. However, the disk properties are
poorly understood not only in the case of the SMS formation, but also in the case of the
formation of stars with ordinary stellar masses. As a first step, we then have studied
the disk stability in the case of the ordinary-mass star formation by two-dimensional
hydrodynamic simulations. Our calculation shows that the disk is relatively stable at
Z ≃ 1 Z⊙, whereas at lower metallicities Z ≲ 10−1 Z⊙, it is more unstable and vulnerable
to fragmentation. In lower metallicity range Z ≲ 10−1 Z⊙, the temperature in the disk is
less or nearly the same as that in the envelope because the dust cooling becomes effective
at higher density than that in the model with Z = 1 Z⊙ or remains inefficient. In this
case, the accretion rate from the envelope to the disk is larger or slightly larger than that
from the disk to the star. Consequently, the disk increases in mass and then fragments.
In this metallicity range, the clump infall to the central star causes the intermittent
accretion. In addition, we have observed the small-mass (< 1 M⊙ ) clump formation by
the disk fragmentation. If they survive as low-mass stars without further growth due to
the accretion or merger with other clumps, the disk fragmentation would be a prospective
mechanism for the formation of low-mass stars in low-metallicity environments.
4.2 Conjecture on SMS formation from slightly metal-
enriched gas
According to the results of Chon & Omukai (2020), the SMS formation can occur in the
metallicity range Z ≲ 10−4 Z⊙. Their calculation, however, uses the barotropic equation
of state derived from a one-zone model of the protostellar collapse. As shown in Chapter
2, we have revealed that the calculation using the barotropic relation does not follow the
disk evolution accurately and may lead to a different conclusion from that obtained by
solving the energy equation. Here, based on the results of the calculations in Chapters 2
and 3 and we give the following conjectures for the SMS formation in low-metallicity
environments.
(i) Z ≲ 10−6 Z⊙ case
From the results of Chapter 3, we have found that the disk properties, such as
time variation of accretion rate, binary star formation, and so on, in the case of
Z ≃ 10−6 Z⊙ is similar to that in the case of Z ≃ 0 Z⊙. This fact means that
the disk evolution is similar in the metallicity range Z ≲ 10−6 Z⊙. If this is the
case also for the SMS formation, we conjecture that SMSs are also formed in
Z ≲ 10−6 Z⊙ as in the primordial gas.
(ii) Z ≃ 10−5 Z⊙ case
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In this metallicity case, the clump mass growth does not occur, and most of the
clumps remains low mass, < 1 M⊙ , unlike the case of Z ≲ 10−6 Z⊙. Due to the
continuous infall of the low-mass clumps, the accretion is intermittent, but there is
no significant quiescent period in its rate. This behavior of the accretion is similar
to the results of the calculation using the barotropic relation in Chapter 2. In such
a case, radiative feedback does not work, and SMS formation is relatively easy
due to short quiescent periods. Therefore, we expect that the SMS formation is
possible at Z ≃ 10−5 Z⊙.
(iii) Z ≃ 10−4 Z⊙ case
In this metallicity case, we have found that the rapid temperature rise due to the
H2 formation heating leads to a long quiescent period corresponding to the KH
timescale for a protostar mass of 104 M⊙ . If a similar decrease in the accretion rate
occurs in the SMS formation, the ionizing feedback may turn on before the mass
of the protostar reaches that of the SMS. However, calculations using a one-zone
model of the protostellar collapse show that the temperature increase in the case of
SMS formation is more moderate than in the case of ordinary-mass star formation.
Therefore, we need to perform hydrodynamic simulations to examine whether the
halting of accretion by the H2 formation heating occurs in the SMS formation.
To summarize, we conclude that SMSs could form in the case at least Z ≲ 10−5 Z⊙.
This relaxes the conventional condition for the SMS formation. In the case of Z ≃ 10−4 Z⊙,
we need further studies by performing numerical simulations with solving the energy
equation.
4.3 Future prospects
We have found that circumstellar disks are gravitationally unstable in low-metallicity
(Z ≲ 10−1 Z⊙) environments, and the accretion becomes intermittent due to the clump
infall to the central star (Chapter 3). From this fact, we conjecture that the intermittent
accretion also occurs and affects the SMS formation from a slightly metal-enriched gas.
The existing calculation of the SMS formation in such an environment uses the barotropic
equation of state derived from a one-zone model of the protostellar collapse (Chon &
Omukai 2020). As we showed in Chapter 2, however, the disk evolution in the calculation
using the barotropic relation can be different from that in the calculation solving the
energy equation. This discrepancy causes different length of the quiescent period in
the intermittent accretion. Therefore, we should perform hydrodynamic simulations by
solving the energy equation to verify the SMS formation from a slightly metal-enriched
gas. Specifically, we will perform calculations similar to those presented in Chapters 2
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and 3, but for metal-enriched SMS formation by updating the thermal and chemical
code.
In our study, we have followed the stellar growth until its mass reaches 3× 104M⊙ by
two-dimensional hydrodynamic simulations (Chapter 2). At the end of the calculation,
since the accretion onto the protostar is still on going at a high rate, further stellar
growth is expected thereafter. In order to study the fate of the growing star, we need to
perform simulations including the effect of radiative feedback from the star for the entire
stellar lifetime (∼Myr).
In our study, we used a two-dimensional hydrodynamic code, which allows us to
follow the accurate thermal evolution with a higher resolution than previous studies.
However, this code may overestimate the density increase due to collisions of spiral
arms because vertically extended structures are confined to the disk plane. Therefore,
performing three-dimensional simulations with a high enough resolution is required
in the future. Our goal in the future is to carry out long-term, high resolution and
three-dimensional radiation-hydrodynamic simulations to investigate the final outcome
of the SMS formation.
We have shown that SMSs are likely to be formed in the early universe. In order
to prove the adequacy of SMSs as an origin of SMBHs, the number of SMSs need to
account for that of SMBHs observed in the high-redshift universe. The number density
of SMSs has been estimated based on results of hydrodynamic simulations (Agarwal
et al. 2014; Chon et al. 2016; Habouzit et al. 2016; Wise et al. 2019) and analytical
studies (Dijkstra et al. 2014), to be in the range 10−9 ... 10−2 Mpc−3. The reason for
the variation in the estimated number density comes from the uncertainty of the SMS
formation condition. The intensity of the external far-UV radiation required to form
SMSs still varies by two orders of magnitude (e.g., Shang et al. 2010; Sugimura et al. 2014;
Wolcott-Green et al. 2017). This variation is caused due to differences in the adopted
radiation spectrum, gas geometry, and velocity field. In addition, three-dimensional
simulations tend to be required higher intensity values than those using one-zone models
because the turbulence affects the temperature evolution. Furthermore, the effects of the
streaming velocity between baryons and dark matter (Tanaka & Omukai 2014; Hirano
et al. 2017) and dynamical heating (Yoshida et al. 2003; Wise et al. 2019) would relax the
required far-UV intensity. In addition, if we consider also the SMS formation in slightly
metal-enriched environments, the number of SMSs is expected to increase significantly.
A possible solution to determine the SMS formation condition is to perform a large
number of hydrodynamic simulations with various models for different far-UV spectrum
and intensity, and metallicity. Our two-dimensional code may be useful for this purpose,
since its computational cost is less than that of three-dimensional code, and is suitable
for performing a large number of calculations.
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Future infrared telescopes (Euclid, Roman Telescope, and JWST) will detect more
SMBHs at higher redshifts (z > 7.5) than those currently detected. The information
on distant SMBHs, such as their redshift and masse, is expected to give constraints on
their formation models. In addition, the possibility of direct detection of SMSs or their
remnant BHs has been claimed. If a gas accretes onto an SMS with mass of > 105 M⊙
at a high rate (> 0.1 M⊙ yr−1), the stellar radiation becomes bright in the infrared and
would be observed by JWST up to redshift z = 20 (Hosokawa et al. 2013; Surace et al.
2018). In addition, if stars formed in the disk around a remnant BH falls into the BH,
the tidal disruption event occurs. The afterglow associated with the tidal disruption
event would be observable by JWST (Kashiyama & Inayoshi 2016). Recently, numerical
studies, including our own, suggest the possibility of SMS binary formation (Chon et al.
2018; Latif et al. 2020; Patrick et al. 2020). If binary SMSs leave behind binary BHs as
a result of their collapse and they merge within the cosmic time, gravitational waves
emitted from their merger event would be observable by the next generation space-based
detector LISA. As described above, future instruments may provide more information on
SMBHs in the early universe than ever before. In order to utilize obtained information,
we need better theoretical understanding of the seed BH formation.
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APPENDIXA
CONTINUUM COOLING RATE IN THE OPTICALLY THIN
REGIME
For continuum emission cooling, we consider the reverse of absorption processes in
Table A.1. Here, all the emission processes are in the form either of A+ B → C + γ or
A+ B → C +D+ γ, and their emissivities ην are proportional to the product of n(A)
and n(B). More specifically, the emissivity of photons per unit volume via free-bound






































fi(T )n(A)n(B) , (A.3)
with fi(T ) a function only of the temperature.
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Table A.1: Continuum absorption processes
Number Name Process Reference
1 H bound-free H+ γ → H+ + e Rybicki & Lightman (1979)
2 H− bound-free H− + γ → H+ e John (1988)
3 H− free-free H+ e + γ → H+ e John (1988)
4 H free-free H+ + e + γ → H+ + e John (1988)
5 H2-H2 CIA H2(v,J)+H2 + γ → H2(v’,J’)+H2 Borysow et al. (1997)
6 H2-He CIA H2(v,J)+He + γ → H2(v’,J’)+He Borysow et al. (1997)
7 H Rayleigh H+ γ → H+ γ′ Kurucz (1970)
8 H2 Rayleigh H2 + γ → H2 + γ′ Dalgarno & Williams (1962)
9 Thomson e + γ → e + γ′ Rybicki & Lightman (1979)
Table A.2: Coefficients for fitting function (A.4)
process a0 a1 a2 a3 a4
H free-bound -22.410 -0.51833 2.3058d-3 0.0000 0.0000
H− free-bound -31.211 1.1678 -3.0473d-2 0.0000 0.0000
H− free-free -38.564 3.4681 -0.17880 0.0000 0.0000
H free-free -28.030 0.54235 -5.3291d-3 0.0000 0.0000
H2-H2 CIE 75.232 -1.4487d+2 65.126 -12.304 0.84166
H2-He CIE 87.458 -1.6412d+2 75.157 -14.482 1.0120
The coefficients fi(T ) are calculated by numerically integrating Equations (A.1)
and (A.2) in the range 10−3 eV < hν < 102 eV and the results are fitted for the
temperature range 500K < T < 20000K except in the case of H− free-free emission
(900K < T < 20000K in this case) in the form of
log fi(T ) =a0 + a1 log T + a2 (log T )
2 + a3 (log T )
3
+ a4 (log T )
4 . (A.4)
The fitting constants a0, a1, a2, a3 and a4 are presented in Table A.2 for each emission
process. The error in the fitting is generally less than a few percent.
APPENDIXB
CHEMICAL REACTIONS
We follow the compositional evolution of 7 species, H, H2, H+, H−, D, HD, D+, and
e−, by solving the non-equilibrium kinetic equations. The forward (i.e., left to right)
reaction coefficients are presented in Table B.1 The reverse reaction coefficient k′c for
collisional reactions (reactions 1-12 and 17-20 in Table B.1), A + B ⇌ C + D, whose
forward reaction coefficient is kc, is given from the law of mass action as
k′c = kc/K(T ) , (B.1)





calculated by the Saha-Boltzmann equa-
tion. The reverse reaction coefficients of radiative reactions (i.e., reactions 13-16), which
are expressed symbolically as A+ B ⇌ C + γ depend on the radiation field. The ra-
diation intensity Jν in the disc is proportional to the effective optical depth for the
contiuum τ =
√
τPτR and saturates to the black-body value Bν at τ ≃ 1. Recalling that
the chemical equilibrium is realized for Jν = Bν , the reverse reaction coefficient k′r is
related to the forward reaction coefficient kr as
k′r = kr min(τ, 1)/K(T ), (B.2)
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Table B.1: Chemical reactions in this thesis
Number Reaction Rate coefficient (cm3 s−1) Reference
1, 2 H+ e ⇌ H+ + 2e k1 = exp[−3.271396786× 101 Janev et al. (1987)
+ 1.35365560× 101 ln Te
− 5.73932875× 100 (ln Te)2
+ 1.56315498× 100 (ln Te)3
− 2.87705600× 10−1 (ln Te)4
+ 3.48255977× 10−2 (ln Te)5
− 2.63197617× 10−3 (ln Te)6
+ 1.11954395× 10−4 (ln Te)7
− 2.03914985× 10−6 (ln Te)8]
3, 4 H− +H ⇌ H2 + e k3 = 1.3500× 10−9(T 9.8493×10
−2
g Kreckel et al. (2010)
+ 3.2852× 10−1T 5.5610×10−1g
+ 2.7710× 10−7T 2.1826g )
/(1.0 + 6.1910× 10−3T 1.0461g
+ 8.9712× 10−11T 3.0424g
+ 3.2576× 10−14T 3.7741g )
5, 6 H2 + e ⇌ 2H + e k5 = k1−a5,H k
a
5,L




Trevisan & Tennyson (2002)




a = (1 + nH/ncrit)
−1
ncrit = [y(H)/ncrit(H) + 2y(H2)/ncrit(H2)
+ y(He)/ncrit(He)]
−1
log (ncrit(H)) = 3− 0.416 log (Tg/104)
− 0.372 [log (Tg/104)]2
log (ncrit(H2)) = 4.845− 1.3 log (Tg/104)
+ 1.62 [log (Tg/10
4)]
2
log (ncrit(He)) = 5.0792[1
− 1.23× 10−5(Tg − 2000)]
7, 8 3H ⇌ H2 +H k7 = 7.7× 10−31T−0.464g Glover (2008)
9, 10 2H + H2 ⇌ 2H2 k9 = k7/8 Palla et al. (1983)




Croft et al. (1999)











15, 16 H+ e ⇌ H− + γ k15 = dex[−17.845 + 0.762log Tg Wishart (1979)
+ 0.1523(log Tg)
2
− 0.03274(log Tg)3] (Tg < 6000 K)
(Tg < 6000 K)
= dex[−16.4199 + 0.1998(log Tg)2
− 5.447× 10−3(log Tg)4
+ 4.0415× 10−5(log Tg)6] (Tg > 6000 K)
17, 18 H2 +He ⇌ 2H + He k17 = k1−a17,Hk
a
17,L
k17,H = dex[−1.75 logTg Dove et al. (1987)
− 2.729− 23474/Tg]
k17,L = dex[3.801 logTg
− 27.029− 29487/Tg]





Lenzuni et al. (1991)
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Table B.1: continued
Number Reaction Rate coefficient (cm3 s−1) Reference














23 2H + grain → H2 k23 = 6.0× 10−17 (Tg/300 K)1/2 faZ Tielens & Hollenbach (1985)
× [1 + 4.0× 10−2 (Tg + Td)1/2
+ 2.0× 10−3Tg + 8.0× 10−6T 2g ]−1
fa = {1 + exp [7.5× 102 (1/75− 1/Td)]}−1
24 D+H+ → D+ +H k24 = 2.0× 10−10T 0.402g exp (−37.1/Tg) Savin (2002)
− 3.31× 10−17T 1.48g (Tg < 2× 105 K)
= 3.44× 10−10T 0.35g (Tg > 2× 105 K)
25 D+ +H → D+H+ k25 = 2.06× 10−10T 0.396g exp (−33/Tg) Savin (2002)
+ 2.03× 10−9T−0.332g
26 D+H2 → HD+H k26 = dex[−56.4737 + 5.88886logTg Glover & Abel (2008)
+ 7.19692 (logTg)




5] (Tg < 2000 K)
= 3.17× 10−10exp (−5207/Tg)
(Tg > 2000 K)
27 D+ +H2 → HD+H+ k27 = [0.417 + 0.846logTg Gerlich (1982)
− 0.137 (logTg)2]× 10−9
28 HD+H → H2 +D k28 = 5.25× 10−11exp (−4430/Tg) Shavitt (1959)




−4430/Tg + 173900/T 2g
)
(Tg > 200 K)
29 HD+H+ → D+ +HD k29 = 1.1× 10−9exp (−488/Tg) Gerlich (1982)
Note.—The temperature Te is in eV. The value of NH2 is the column density of molecular hydrogen.

APPENDIXC
OPTICAL DEPTH FOR LINE EMISSION
In chapter 3, we introduce an optical depth for a line emission to calculate a cooling rate
of a metal line emission in Equation (3.16). In this chapter, we derive Equation (3.16).
Here, we treat a bound-bound transition between two levels, upper and lower ones.
Electrons transition between the two levels by the spontaneous emission, the radiative
absorption, the induced emission, and the collision. Among those transition mechanisms,
the radiative absorption and the induced emission are related to the absorption for the
line emission.




(flBlu − fuBul)nϕν , (C.1)
where the subscripts u and l represent the upper and lower levels, hνul is the energy
difference between the two levels, f is the occupation fraction of each level, n is the
number density, Blu and Bul are the Einstein coefficients for the radiative absorption and
the induced emission, respectively, and ϕν is the line profile. The sum of the occupation






glBlu = guBul , (C.3)
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where Aul is the rate coefficient for the spontaneous radiative decay, and g is the statistical


















































When we multiply the absorption coefficient by the scale of a system ls, we can obtain
the optical depth for the line emission associated with the transition from the upper













where N = nls is the column density.
